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[I] Have read little and understood less.
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ABSTRACT

The surface and atmospheric chemistry of solar system bodies—including the
Earth—are heavily influenced by transient particle events from the Sun like coronal
mass ejections (CMEs) and solar energetic particles (SEP). These events, alongside
the electromagnetic (EM) radiation of solar flares, comprise what we call space
weather. The energy of both the EM and particle events are expected to have been
orders of magnitude higher when the Sun was much younger, which raises ques-
tions with regards to the evolution of angular momentum, chemistry, and habitability
throughout our solar system’s history. Studying this history requires we study young
stars as proxies for the young Sun, but the particle environment of other stars is noto-
riously difficult to study and CMEs or SEPs are even more so due to their transience
and the multi-wavelength nature of their signatures. Fully characterizing an event
thus requires extensive, coordinated monitoring across many instruments.

To address this requirement for studying space weather, I present the beginning
of the Space Weather Around Young Suns (SWAYS) program in this thesis. This
program includes the Owens Valley Radio Observatory Long Wavelength Array
(OVRO-LWA) for identifying stellar analogs of solar type II and III bursts which
are associated with bulk plasma motion from the Sun. The SWAYS program also
includes Flarescope which I designed and built to detect photometric signatures
of flares from solar-type stars with high precision at optical wavelengths. With
Flarescope and the OVRO-LWA, I have collected more than 800 hours of simul-
taneous data on six young, solar-type stars and have developed a framework for
analyzing the results of their coordination. This thesis includes a technical overview
of Flarescope’s design, a summary of its performance with the OVRO-LWA, and
the framework for using the two instruments to search for signatures of transient
particle flux. I supplement the significance of simultaneous observations of solar-
type stars at optical and radio wavelengths with my work with the Very Large Array
Sky Survey and Transiting Exoplanet Survey Satellite data. In this work, I iden-
tify unprecedented stellar radio emission and develop the relationship between such
emission and stellar superflares. In all, this thesis illustrates the significance of
simultaneous radio and optical observations for constraining stellar space weather
and highlights the feasibility of multi-wavelength monitoring.
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C h a p t e r 1

INTRODUCTION: AN OVERVIEW OF STELLAR MAGNETIC
ACTIVITY AND SPACE WEATHER

The Sun hosts a menagerie of magnetic phenomena that produce emission across

the entire electromagnetic (EM) spectrum. One such phenomenon is magnetic

reconnection�the recon�guration of magnetic �eld lines�which results in both

thermal and non-thermal acceleration of particles. The result of this is commonly

observed in the form of �ares in soft X-ray (SXR) by,e.g., the Geostationary

Operational Environmental Satellite (GOES) (Plutino et al., 2023). Enhancement of

ionizing EM radiation from �ares in the form of ultraviolet (UV) and X-ray emission

may play an important role in pre-biotic atmospheric chemistry and retention (Green

et al., 2021; Modi et al., 2023), but understanding the acceleration process involved

in �ares and other magnetic events is also also motivated by a desire to predict

particle radiation from the solar corona into the interplanetary medium (IPM).

Such particles go on to interact with the atmospheres and surfaces of planetary

bodies, drive non-thermal chemistry, and facilitate atmospheric escape. Each of

these elements could play a key role in abiogenesis and habitability (Luhmann et al.,

2007; Jakosky et al., 2015; Airapetian et al., 2016; Airapetian et al., 2020).

Such particle enhancements to the interplanetary environment are associated both

with the �are process itself (Cliver and Ling, 2009; Reames, 2021) and with coronal

mass ejections (CMEs). These are massive (® 1016 g; Yashiro and Gopalswamy,

2009) eruptions that can coherently expand into colossal magnetic volumes as they

propagate (radial size of� 0•2AU by the time they reach 1 AU, Liu et al., 2005). We

do not yet have a full description for the formation and acceleration of CMEs, but

there is a strong correlation between highly-energetic �ares and CME production;

essentially all solar �ares with energies¡ 1030 erg leading to a CME (Yashiro et al.,

2006). There are additional correlations between �are SXR luminosity and CME

masses and velocities (Chen et al., 2006; Yashiro and Gopalswamy, 2009; Aarnio

et al., 2011; Moschou et al., 2019).

Although we have observed stellar �ares for decades, the particle environments of

stars�including both CMEs and the persistent stellar wind�remain largely elusive.

Without the ability to make in-situ measurements of the exo-solar system particle



2

environments or to directly image stellar CMEs (see Figure 1.1 as an illustration

of this latter di�culty 1), we rely largely on what we have observed from the Sun.

This may manifest as looking for the stellar equivalents of EM proxies of solar

mass escape or relying on scaling laws between solar �ares and CME occurrence

and characteristics. However, solar scaling laws used for predicting CMEs are

likely moot for younger, more active stars. Such stars tend to have magnetic �eld

strengths and topologies distinct from the solar form and likely have di�erent wind

strengths, densities, and geometries to match. Additionally, stellar analogs of solar

signatures of CMEs (e.g., Doppler-shifted HU and X-ray dimmings) could also be

explained by dynamics consistent with outwardly-accelerated, but still-contained,

material (Veronig et al., 2021; Namekata et al., 2021; Otsu et al., 2022). Observing

a variety of signatures across multiple wavelengths, and making such observations

simultaneously, will be critical for minimizing doubt in CME candidates as well as

constraining a variety of CME properties. Understanding these events as they occur

on other stars will be crucial for understanding the full activity history of the Sun

and what that means for the evolution of our solar system.

In this thesis, I present a combined optical and radio perspective for studying �ares

and the associated particle �ux, collectively referred to as space weather, on young

solar-type stars. My work highlights how distinct the manifestations of activity on

young stars are from how it manifests for the Sun. This work includes leveraging

survey data to identify exceptional radio emission from stars that are highly active at

optical wavelengths, presented in Chapter 2. It also includes the �rst iteration of a

multi-wavelength monitoring program for studying space weather around young suns

(SWAYS). This program currently includes the Owens Valley Radio Observatory

(OVRO) Long Wavelength Array (LWA), for which I assisted in commissioning

the beamformed observing mode. The OVRO-LWA operate in the 13-87 MHz

range, frequencies that should enable identifying stellar equivalents of radio bursts

associated with bulk plasma motion in the solar corona and IPM. To supplement the

study of space weather with the OVRO-LWA, I have developed the small, optical

instrument Flarescope at Palomar observatory. I designed this instrument to reach

sub-millimag (mmag) precision on bright stars with the explicit purpose of detecting

�ares on stars observed by the OVRO-LWA. The operations and performance of the

OVRO-LWA and Flarescope are covered in Chapters 3 and 4, respectively. The

monitoring program I did with these instruments culminated in� 900-hours of
1The code I developed to make Figure 1.1 as well as much of the work for this thesis is available

here. The CME component makes use of theFRiED�ux rope modeling code from Isavnin (2016).
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Figure 1.1: The contrast for a simple model of a CME and wind for a star at 3.2 pc.
The mass for the CME here is1019 g�a typical mass estimate for stellar CMEs but
several orders of magnitude larger than solar CMEs. Notably, the highest contrast
represented here is� 10� 8. This is more than an order of magnitude lower than
what is achievable by current, high-contrast imaging instrumentation for resolutions
represented here, but may be in the realm of detectability for future instrumentation
like is planned for the Habitable World Observatory (Allan et al., 2023).

observing dedicated to six young stars, the results of which are presented in Chapter

5. The multi-wavelength�especially for the speci�c wavelengths explored�and

monitoring nature of this program is novel, and a�orded unique analysis of the

relevant physics for the extreme environments of young stars. I conclude this thesis

with a discussion of plans to expand these studies to other instruments, wavelengths,

and techniques in Chapter 6. In this chapter, I provide additional context for the

signi�cance of studying young stars across the spectrum with a focus on the optical

and radio speci�cally.

1.1 Stellar Evolution and Quiescent Magnetic Environments

Once a star has contracted onto the main sequence, its evolution is largely dictated

by angular momentum loss through mass loss, be that loss through transient events

like CMEs or through persistent winds. The mass loss facilitates a mechanism

commonly referred to as magnetic braking (Mestel, 1968), wherein mass entrained

in a star's magnetic �eld acts as a lever arm torquing the star. When the material
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escapes the �eld, the angular momentum is lost and the star is permanently spun

down. As such, for a given spectral type, the rotation rate can be an e�ective metric

for the age of the star (Skumanich, 1972). In the case of binary systems, this is true

if the stars are separated enough that they are not tidally interacting (� 1AU, Zahn,

1977; Fleming et al., 2019).

However, the rotation rate plays a signi�cant role in the generation of magnetic �elds

for stars with convective envelopes (stars F-type and later). This role is commonly

explained by invoking a combination of the alpha-omega dynamo and shearing

action at the boundary of the convective and radiative regions of the star, called the

tachocline (Guerrero et al., 2016). The immediate conclusions this suggests is 1.)

the rate of magnetic braking should reduce as the star ages and its �eld weakens

(and, indeed, a regime of weakened magnetic braking has been identi�ed for G and

K type stars by Metcalfe et al., 2022) and 2.) younger stars have stronger �elds

and, by extension, are more magnetically active. The association between youth and

activity is how Skumanich (1972) derived the rotation-age relation still referenced

today as Skumanich's law.

Notably, our earliest characterizations of activity for stars were based on the proper-

ties of thequiescentor slowly-varying phase of the star, whereas today most activity

discussions note the relationship between the quiescent and transient phases, the lat-

ter of which would include distinct �are events. Because of how quiescent properties

historically have informed our understanding of activity evolution, the relationship

between transient and persistent activity features, and the relevance of quiescent

emission in Chapter 2, I �rst focus on coronal emission and (presumably) associated

winds here before talking about �ares and their relationship with CMEs and SEPs

in Section 1.2.

Continuous Coronal Emissions

The Ca II lines evaluated in Skumanich (1972) and preceding works are, impor-

tantly, signatures ofchromosphericactivity. Although such activity is undoubtedly

related to coronal activity, there are poorly-constrained dynamics at the transition

region between the chromosphere and corona which complicate our understanding

of particle transport between the regions (Mariska, 1986; Frogner et al., 2020).

Because of this, the innermost boundary of the solar/stellar wind�and, by exten-

sion, what that implies for the IPM�is best understood by evaluating the outermost

solar/stellar atmosphere,i.e., the corona.
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The hot (e�ective temperature) ¡ 106 K) nature of coronae lends study of it to

the X-ray and EUV. Early solar and stellar X-ray observations made it clear that

X-ray-emitting coronae are essentially universal among stars with convective en-

velopes, with apparently-quiescent �uxes ranging between what we observe during

solar activity minima (104 erg s� 1 cm� 2) and what we observe from solar �ares

(108 erg s� 1 cm� 2) (Schmitt, 1997). On the surface, this may seem reasonable�

stellar activity for solar-type stars seems to span the various activity levels we

observe for the Sun. The caveat, of course, is that without spatial resolution, the

derived surface �ux assumes the X-ray luminosity originates from the entire stellar

surface�the 108 erg s� 1 cm� 2 would imply the entire stellar surface is �lled with

�aring regions. This has incredible implications both for the global activity and the

coronal structure where the X-rays originate.

Spectral-index analyses pointed to these coronae being hotter than the Sun's (Schmitt

et al., 1995; Schmitt, 1997), and higher-resolution X-ray spectra reveal that there

is both a hot component consistent with the temperature observed for solar �ares

as well as a cool component which becomes more distinct for younger, more active

stars (Güdel et al., 1997). The similarity in temperature between the hot component

and �ares suggests that the hot component of stellar coronae may be sustained by

individual, albeit temporally-unresolved, �are events. This hypothesis seemed to be

further supported by the Güdel-Benz Relationship (GBR), an empirical relationship

that shows a correlation between thermal SXR emission and incoherent, non-thermal

radio emission (Guedel and Benz, 1993; Benz and Guedel, 1994). This relationship

holds for both the quiescent phases of stars and generally for the �aring state of the

Sun and stars, which would then suggest 1.) that the quiescent and �aring states

are related, 2.) that there is some consistent partitioning of energy between thermal

and non-thermal particle acceleration, and 3.) stars are constantly �aring at some

level. Notably, the GBR does not hold for the quiescent Sun, as it is under luminous

in the radio by several orders of magnitude. Taken all together, observations show

that young stars have exceptional X-ray emissions that imply incredibly hot, dense

coronae. The high thermal and magnetic pressure originating from the corona, taken

alongside a likely relationship between reconnection processes and the production

of the slow solar wind (Antiochos et al., 2011; Chen et al., 2025), lead to the

supposition that young stars should also produce extraordinary winds.
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Winds

While stellar coronal emissions often have analogous solar signals, signals asso-

ciated with material streaming out into the IPM as solar-like winds are a di�erent

story. Being orders of magnitude less dense than even coronae make the surface

brightness of emission directly from the winds incredibly low. Detecting winds

directly then requires both high sensitivity and being able to disentangle light from

stellar surface from that of the wind; note,e.g., the low contrast of the wind of the

starn Eridani relative to the star in Figure 1.1. Instead, we usually rely on indirect

methods of detecting and measuring stellar winds.

The most successful observational technique for winds is through Lyman-U (Ly-

U) absorption measurements. This method takes advantage of the fact that the

interstellar medium (ISM) that the fully-ionized wind interacts with can be partially

neutral. Each of these materials decelerate in the region leading up to the interaction

of the wind and ISM, leading to a pile up of the neutral ISM that appears blueshifted

relative to the rest frame of the ISM. Thus, enhanced absorption in the blue side

of Ly-U can be explained by the stellar wind; the combination of the ISM pressure

and level of enhanced absorption can be used to estimate the rate of out�ows and

the stellar mass loss rate. The results of this suggest that young, main-sequence

stars can have mass loss rates upwards of100 ¤" � ( ¤" � = 2 � 10� 14 " � yr� 1). An

apparent correlation between mass-loss rate with X-ray �ux (Wood et al., 2005)

imply that mass-loss does seem to decrease as stars age (or at least as the rotation

rate slows), as has been suggested by rotational evolution models (Johnstone et al.,

2015b; Johnstone et al., 2015a). All of this said, the stellar wind speed used to

estimate the loss rate is assumed to be the same as the slow solar wind, and the

previously mentioned models estimate much higher speeds for young stars.

Although the Ly-U technique has been informative, it is also limited due to the

requirements that 1.) the ISM around the star actually be neutral, 2.) that we

su�ciently understand the properties of the ISM at the star's location in order to

appropriately attribute blueshift to the ISM's deceleration at the boundary of the

stellar wind, and 3.) the conditions of the ISM (besides ionization state) at a given

star's wind boundary are conducive to producing a detectable signal. As such,

the sample of stars with winds that have been measured through this technique is

relatively small (® 100stars). However, there are few other techniques with which to

con�rm or expand upon Ly-Uresults, and even fewer that would be direct signatures

of the wind as opposed to the wind's impact on the ISM. X-ray observations looking
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for emission from charge exchange between the wind's heavy ions and the neutral

ISM have seen recent success (Kislyakova et al., 2024). This method still depends

on the wind's interaction with the ISM, but the signature is coming from the wind's

material rather than the ISM's and agree with Ly-U derivations for the same stars

within a factor of a few.

One method that does not rely on the ISM interactions at all is direct measure-

ments of thermal emission targeted at radio wavelengths (Lim and White, 1996;

Villadsen et al., 2014; Fichtinger et al., 2017; Suresh et al., 2020). The majority

of detections of thermal radio emission from solar-type stars has been attributed

to chromospheric material with the exception of Suresh et al. (2020)'s detection

of coronal gyroresonant emission onnEridani; the winds themselves remain unde-

tected and the associated mass-loss rates are upper limits. The di�culty in detecting

stellar winds poses an interesting problem both with regards to stellar spin-down

models as well as with respect to reconciliation of total mass loss when accounting

for transient events like CMEs (Cranmer, 2017; Osten and Wolk, 2015).

1.2 Transient Events

Although the full picture of solar and stellar transient events and the sustainment of

the quiescent environments is incomplete, each phase is important for contextualiz-

ing the other. This was hinted at by the similarity between the temperatures of �ares

and coronae of active stars, but what does the resulting high-density environment

mean for CME propagation�does the CME gather mass, or is it stalled? If the latter

case, then do CMEs actually contribute meaningfully to mass loss in young stars?

Here, I provide an overview of �are mechanics and their relation to the occurrence

and our interpretation of particle events.

Flares

Flares are the EM radiation originating from particles accelerated in the lead-up

to, during, and following magnetic reconnection in the solar or stellar corona.

As was mentioned previously, �ares are a multi-wavelength phenomenon. The

increasing temperature in the moments leading up to reconnection causes electrons

to evaporate and �ll magnetic loops, leading to pre-�are signals in the SXR, UV, and

chromospheric lines. This manifests as overall �ux enhancements as well as blue-

shifted signatures. When reconnection occurs, the proximity to the energy release

causes particles in the immediate vicinity of the reconnection point to produce

hard X-ray (HXR) emission. Particles from the reconnection point are additionally
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non-thermally accelerated along the remaining magnetic �eld lines�both those that

remain as closed, post-�are loops as well as those that were �opened" to the upper

atmosphere and IPM�producing a variety of coherent and incoherent radio signals.

On their way down the magnetic �eld of the �are loops, the non-thermal electrons

impinge upon denser material that eventually halt them; the sudden braking of the

electrons produces an additional, non-thermal HXR signal.

The heating from the impinging particle beam (which may include both electrons

and protons, Sadykov et al., 2024), the back radiation from the corona and upper

chromosphere, and energy dissipation in the form of Alfvén waves are all expected

to contribute to hot spots at the footpoints of the �are loop in the lower atmosphere

(Matthews et al., 2003; Hudson et al., 2006; Fletcher and Hudson, 2008; Krucker

et al., 2011). This heating is responsible for what is referred to as the white-light

(WL) continuum component of �ares, representing a 6,000�9,000 K blackbody for

the Sun (Kretzschmar, 2011; Namekata et al., 2017), although this temperature

may be much higher for younger or more active stars (Berger et al., 2024). The

relatively-low �lling factor of the footpoints on the solar surface, in addition to

the low-temperature contrast between the �are and quiet photosphere, make the

WL component a relatively-rare solar �are component to observe from the total

solar disk. Although WL �are components are di�cult to detect, they represent

an exceptional fraction of the �are energy budget�as much as 70% of the total

radiated energy (Kretzschmar, 2011). These processes and associated emissions are

summarized in Figure 1.2.

Stellar observations rarely have the bene�t of a suite of instruments observing an

event simultaneously across the EM spectrum; the vast majority of our understanding

of transient stellar activity from a multi-wavelength perspective comes from non-

contemporaneous observations. For wavelengths from optical to X-rays, light curves

of stellar �ares often appear rather similar to solar �ares; each usually show steep

rises indicative of impulsive heating followed by exponential decays as the loop

and footpoints cool. That said, thescaleof the magnetic events for other stars can

be orders of magnitude larger than has been observed for the Sun. The stronger

magnetic �elds on younger stars contain more magnetic energy that can be converted

to radiative energy in the �are process. Additionally, the higher densities of the young

stellar coronae provide more electrons to contribute to the X-ray signature and may

exist at such high densities that �are loops themselves contribute appreciably to the

WL component (Namekata et al., 2022a).
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Figure 1.2: A standard model for �are, prominence, and CME geometry and the
associated signals; dashed lines indicate particle motion. In this representation,
the material indicated as a prominence (labeled f) can erupt as a CME if overlying
magnetic �eld lines (not represented here) do not con�ne it.

Despite the di�erence in scales, the similarities between stellar and solar light curves

in addition to similarities in the �are-frequency distributions of solar and stellar �ares

(e.g., Aschwanden et al., 2000; Aschwanden, 2015) suggest that the stellar energy-

release process is likely the same reconnection process we observe on the Sun.

This is also supported at longer wavelengths, at� 1�10 GHz speci�cally, where we

see the GBR. Although some properties of solar and stellar �ares�including their

correlation with con�ned particle acceleration�seem to follow the same scaling

relation, it is less straight-forward to assert the same for escaping transient particle

events.
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CMEs and SEPs

Often times following a solar �are�and essentially 100% of the time following a

�are with energy¡ 1030 erg�mass and magnetic �elds will be expulsed from the

corona as a CME. Field lines that are broken through magnetic reconnection and

the CME propagating through overlying �elds will accelerate particles. Both the

CME and the particles tracing the opened �elds can manifest as SEPs, with distinct

durations, particle species, and energy distributions depending on the origin and

duration of the acceleration. Like their quiescent counterpart, transient particle �ux

from stars other than the Sun is di�cult to 1.) detect at all and 2.) attribute to

the relevant atmospheric height. More speci�cally, it is exceptionally di�cult to

attribute signatures of particle motion to particles that are actually escaping into the

IPM as opposed to those contained within �are-loops and non-eruptive prominences.

One common technique is the use of Doppler spectroscopy to identify highly-

blueshifted absorption and emission components, either originating from the chro-

mosphere (Vida et al., 2019; Namekata et al., 2021; Namekata et al., 2024a) or

the corona (Argiro� et al., 2019). These observations show line-of-sight (LOS)

velocities upwards of 100s to 1000s km/s, but it is di�cult to assert that a high

speed�even those beyond the gravitational escape velocity of the star�is enough

for the material to escape the magnetic potential of the star. Alvarado-Gómez et al.

(2022a) has shown that the strong overlying magnetic �elds of active stars may sub-

stantially decelerate or totally stall plasma motion in stellar atmospheres, preventing

mass escape; this has even been observed for the Sun (Peng et al., 2022). There

is also a strong dependence on the geometry of the event, which impacts both the

morphology of the escaping material and the Doppler-shifted signal it produces. For

instance, CMEs with a signi�cant non-radial velocity component are more likely

to be contained (Alvarado-Gómez et al., 2022a) and even if a CME manages to

erupt, the signal may be highly or entirely red-shifted depending on the projection

of the event (Moschou et al., 2019; Otsu et al., 2022). These stalling and projection

e�ects�taken alongside the fact that many solar CMEs have velocities well below

the surface gravitational escape velocity�means that blue-shifted signatures alone

are not a reliable metric for mass escape, especially if the signature originates from

atmospheric heights that could be associated with evaporative �ow in the post-�are

loop.

The other method that has seen some success is coronal dimming, where the coronal

emission will decrease following a �are relative to the pre-�are baseline �ux. One
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way this signal can be produced is through mass loss; the X-ray or UV �ux decreases

due to the overall content of the corona decreasing (Veronig et al., 2021). An

alternative dimming cause is through obscuration; cool, dense, overlying material

blocks �ux from the coronal material which could then presumably be associated

with material escaping far into the solar atmosphere. This has been observed from

the Sun in the microwave and UV (Gopalswamy and Yashiro, 2013; Xu et al.,

2024b), but presumably could also manifest in the X-rays. That said, this method

runs into a similar problem to Doppler spectroscopy, wherein evidence of mass

motion does not necessarily mean mass escape.

There is a smattering of other methods that have been proposed and attempted,

some of which have been summarized in Moschou et al. (2019) and Namekata et al.

(2022b) and a larger collection of which are discussed in detail in the chapter I led

for the Keck Institute for Space Studies' report on stellar particle environments. The

di�culty is having a method that is sensitive to the CME (or its e�ects) when it is

at a distance that is unambiguously associated with escape from magnetic contain-

ment in the stellar atmosphere. Such disambiguation may be achieved through the

employment of exoplanetary signatures (Joseph et al., 2004; Alvarado-Gómez et al.,

2022a) which would necessitate that material propagate far to in�uence the signals.

It may also be possible to use future instrumentation like the next-generation Very

Large Array (ngVLA) or Habitable Worlds Observatory (HWO) that may enable

direct imaging. One method that has seen increasing attention is searching for stellar

type II radio bursts, which are associated with CME shocks. I discuss this method

in the following section as it relates to my work with the OVRO-LWA in this thesis.

All of this is to say: we understand very little about stellar CMEs and how this

relates to the evolution of CMEs across solar history. Even less is known about

other transient particle events that can manifest as SEPs. Mass estimates of stellar

CMEs suggest that they may have been orders of magnitude more massive and

energetic than modern solar CMEs. The frequency of prominence eruption signals

on young stars like EK Draconis and AB Doradus suggest that these events may then

contribute substantially to the overall mass loss and angular momentum evolution of

stars (Aarnio et al., 2011; Xu et al., 2024a), so much so that they may contribute more

to the mass loss rate than the winds themselves (Osten and Wolk, 2015; Cranmer,

2017). This then raises the question as to what point you distinguish between

transient events and the quasi-steady wind. In the following section, I describe the

emission processes I am considering when searching for these transient events.
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1.3 Emission Processes

Because I am interested in identifying emission associated with both �ares and bulk

plasma escape, and because the emission processes for these two phenomena are

quite di�erent, I provide more details here on the nature and origin of the emission

processes that are relevant for the work in the rest of this thesis. Relevant properties

of the emission processes are summarized in Table 1.1.

Flares: Thermal Bremsstrahlung and Non-thermal Gyromagnetic Emission

As mentioned previously, �ares play a key role in space weather both through their

direct alteration of the environment via ionizing radiation as well as their association

with CMEs and SEPs. The two key components of �ares that are relevant in this

thesis are 1.) the thermal bremsstrahlung that manifests as the WL component and

2.) the non-thermal gyromagnetic emission originating from electrons trapped in

�are loops. I have already described the likely mechanisms that contribute to the

WL component; here, I will focus on the gyromagnetic emission processes that arise

from non-thermal electrons trapped in closed magnetic �elds.

This emission is dependent on the magnetic �eld of the star and thus the spectral

properties are related to the gyrofrequencyaB, rel = 2•8 � •WMHz where� is the

magnetic �eld strength in Gauss andWis the Lorentz factor. The actual peak

frequency of the emission will occur at harmonicsBof the gyrofrequency so that the

peak frequency isapeak � 2•8 � W2 MHz for large pitch angles between the electron

velocity and the magnetic �eld. In the case that this frequency is much higher than the

plasma frequency at the locale of production�and harmonics of the plasma at higher

layers�then the emission can escape. It naturally follows then that the observational

properties of gyromagnetic emission depends on both the energy of the electrons as

well as the �eld and plasma properties of the emitting region. In the case that the

electrons are mildly relativistic (W® 3, electron energies 10�1000 keV), broadband

emission known as gyrosynchrotron is produced. This is commonly reported for both

solar and stellar �ares and is the dominant emission mechanism for the �quiescent"

coronae of active stars below� 10GHz (Güdel, 2002). The beaming e�ects due

to relativistic aberration are only mild here, allowing for some preservation of

the circular-polarization imprint of the magnetic �eld�gyrosynchrotron can have

circular polarization fractions up to a few 10s of percent at frequencies where it is

optically thin (Dulk and Marsh, 1982; Güdel, 2002). Despite a correlation with

thermal X-ray emission, gyrosynchrotron (usually) originates from a non-thermal

population following power-law energy distributions, with brightness temperatures
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on the order of107� 9 K.

In the case that electrons are highly relativistic (W ¡¡ 1, electron energies¦

1MeV), the emission would be synchrotron. The highly-relativistic nature of the

acceleration leads to quite signi�cant di�erences from gyrosynchrotron; extreme

aberration of the radiation �eld leads to any polarization being linear rather than

circular, and the maximum brightness temperature is limited toŸ 1012 K by inverse-

Compton limitations (Readhead, 1994). The highWfactors paired with the likely

strong magnetic �eld responsible for accelerating electrons to these energies means

this emission is less commonly invoked for stellar �ares at frequencies® 10GHz

(although is not unheard of, Lim et al., 1994), and is likely only relevant for solar

�ares in the sub-mm regime (Nindos, 2020). The question is how to achieve the

high-energy electron distribution. Although the reconnection process itself imparts

a power-law distribution of electron energy observable in HXR spectra (Reid et al.,

2014), electrons trapped in the �elds can also be repeatedly re�ected due to the

magnetic gradient between the loop top and footpoints that can facilitate a high-

energy power-law that may be su�cient to produce synchrotron.

Because the magnetic �eld only responds to the perpendicular velocity component

of a charged particle, particles with a large parallel velocity component�or, rather,

a small pitch angle�may escape the magnetic �eld during this re�ection process,

leading to a distribution of particles with preferentially large pitch angles known as

the loss-cone anisotropy. This anisotropy can develop into a signi�cant population

inversion that leads to coherent masing in the form of electron cyclotron maser

instability emission (ECME) (Wu and Lee, 1979; Hewitt et al., 1982). The resulting

emission is inherently brief and narrowband, emitting at a frequency equal to the

gyrofrequency at the location of excitation. However, the signal can appear appar-

ently broadband because many regions may emit essentially simultaneously. The

speci�city of the electron pitch-angle distribution also leads to a unique emission ge-

ometry, where emission is originates from the walls of a cone with an opening angle

parallel to the �eld line, and the coherence of the emission allows for exceptionally

high polarization (up to100%) and brightness temperatures (up to1018 K). All of

these features make ECME incredibly distinct from the other forms of gyromagnetic

emission and allows it to serve as a test of,e.g., �eld topology as well as put limits

on plasma density local to the �are loop (Kavanagh et al., 2024).

On the Sun, ECME is associated with �spike-bursts" (Melrose and Dulk, 1982;

Cliver et al., 2011), which are both the most luminous bursts at frequencies¦ 1GHz
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and are associated with strong solar �ares (White et al., 2024); this is discussed in

more detail in the stellar context in Chapter 2. It is also one of several mechanisms

that has been attributed to some solar type IV bursts, a rare type of burst that may

sometimes be driven by some element of the CME (Morosan et al., 2019). There

have even been some reports of stellar equivalents of type IV bursts by Zic et al.

(2020) and Mohan et al. (2024b). However, the unclear nature of type IV bursts'

association with CMEs in addition to (or perhaps owed to) their relative rarity, lead

to me focusing on ECME as it manifests for �ares rather than CMEs.

CMEs and SEPs: Plasma Emission

The critical emission process I am considering with respect to bulk plasma motion

is plasma emission. Like ECME, it is a masing process that can reach high intrinsic

circular polarizations and brightness temperatures� 1018 K (Melrose, 1989). How-

ever, rather than a loss-cone anisotropy, it derives its energy from the bump-on-tail

instability caused by electron beams propagating through an ambient plasma envi-

ronment (Dulk, 1985; Reid and Ratcli�e, 2014). It is also at minimum a two-step

process: after the bump-on-tail instability produces Langmuir waves, they must be

converted into transverse waves so that they actually produce EM emission. This

is presumably done by scattering o� of other waves�either Langmuir or ion sound

waves�or by decaying into multiple wave modes. For the Sun, the beams typically

manifest as electrons accelerated along �eld lines at velocities0•1c ® E® 0•5 c or

as a CME plasmoid/ prominence core moving¡¡ 100km/s. Langmuir waves get

excited at the plasma frequencyap = 9•8kHz
p

=4 of the ambient plasma at the locale

of the beam, where=4 is the electron number density with units cm� 3. Because of

how the frequency scales with plasma density, the beam will excite lower-frequency

emission as it propagates to higher parts of the solar atmosphere. As such, plasma

emission can serve as a great indicator of bulk plasma motion as well as a diagnostic

of the properties of the ambient particle environment of a star�a stellar property

that is notoriously di�cult to constrain.

The gradual decrease in frequency with time as the beam propagates outwards

produces characteristic sweeping structures in a spectrogram or dynamic spectrum

(see Figure 1.3). The spatially-broad nature of CMEs allows for the simultaneous

excitation of many frequencies and their relatively low speeds causes a slow drift to

low frequencies. The result is a slowly-drifting, broadband structure in a dynamic

spectrum referred to as a type II burst. Although we do not currently understand

all of the conditions required to produce a type II burst, we notably do not observe



15

type II bursts unless the CME or prominence drives a super-Alfvénic shock (Klein,

2021). Because the magnetic �eld is stronger at lower atmospheric heights, the

Alfvén velocity is higher and thus the material must move much faster to produce

the required shock for the type II burst. Being able to move super-Alfvénically may

be a limiting factor for type II burst production on young stars with exceptionally

strong �elds and similarly high Alfvén speeds. That said, we may be able to take

advantage of young stars having dense winds�a CME has to travel much further

from the star than it would from the Sun to excite a given frequency and would

similarly be at height where the Alfvén speed is small, alleviating the super-Alfvénic

shock problem. Additionally, type II bursts appearing at frequencies that we would

normally associate with shocks in the low solar corona would very likely be at a

distance from the star that we can safely say the material has escaped into the star's

IPM. This is in incredible contrast to Doppler spectroscopy and coronal dimming

that are restricted to low heights in the stellar atmosphere.

On the other hand, if the beam is a group of electrons accelerated along magnetic

�eld lines, the spatial distribution is much narrower (at least low in the corona).

The much higher speeds of the beam paired with the small spatial scale produce

a narrow, steeply-drifting structure in a dynamic spectrum called a type III burst

(right panel in Figure 1.3). These are the most common type of solar radio burst,

owed to them requiring low-energy acceleration events compared to type II bursts;

essentially all �ares produce type III bursts (Bastian et al., 1998). That said, the

peak �ux density that has been observed for type III bursts is exceptional�on

the order of1010 Jy for frequencies® 200MHz (Saint-Hilaire et al., 2013) and

as high as1011 for frequencies below100MHz (Raja et al., 2022). Notably, the

distribution of type III �ux densities varies throughout the solar magnetic cycle,

peaking during solar maximum (Saint-Hilaire et al., 2013). This may be attributed

to the increased number of active regions that type III bursts are known to propagate

from, which bodes well for stellar expectations; even if there may be physical limits

that saturate plasma emission for an individual beam, the presence of many beams

may compensate to produce exceptionally luminous stellar type III bursts. Their

association with �ares rather than CME shocks also perhaps makes them a more

likely candidate for detections from other stars since we are more likely to see a �are

signature than a CME signature.

Overall, plasma emission as we see it from the Sun has promising applications for

understanding stellar environments and transient mass loss rates. That said, there
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Figure 1.3: A dynamic spectrum of the Sun, collected by the beamforming observing
method of the OVRO-LWA (discussed in detail in Section 3.2). In the left panel,
there is a collection of type III bursts and a type II burst. A close-up of a single
type III burst is shown on the right to show the sweeping structure evident at lower
frequencies. Persistent, non-drifting emission above� 50MHz may be associated
with type IV burst continuum emission.

are few if any candidate detections of such emission from any star other than the

Sun (Osten and Bastian, 2006). This perhaps could be because of the nature of

the stars that have historically been targeted. These have been primarily highly-

active M-dwarfs with strong �elds that may both inhibit shock development at

the relevant frequencies as well as preferentially produce magnetic emission over

plasma emission (Villadsen and Hallinan, 2019). As such, our expectations for

plasma emission has been informed primarily by the distribution of events we see

from the Sun. The validity of these expectations are explored in Chapter 5.

1.4 Summary

The study of stellar space weather, and especially what that means for the habit-

ability of exoplanets, has focused largely on the EM radiation environment. This

is owed to the exceptional di�culty of studying stellar particle environments and

is exacerbated by the current ambiguity in whether observations of coronal mass

motion can be attributed to coronal massescape. The transient nature of CMEs

and �ares additionally require a substantial amount of time dedicated to individ-

ual targets to maximize the likelihood of observing such an event. Taken together

with the multi-wavelength nature of both of these phenomena, this science case
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Table 1.1: A summary of the various emission processes that are relevant in this
thesis. The �rst four processes are typically associated with the �are loop structure,
while plasma emission is associated with material propagating into the IPM.%C and
%L refer to the level of circular and linear polarization, respectively, although I note
here that ECME can may be elliptically polarized, showing signi�cant fractions of
both circular and linear polarization. The temperature reported thermal free-free
emission is for the �are itself and not the photospheric e�ective temperature.

Emission Characteristic Relevant Polarization Relevant
process spectral range temperatures chapters
Thermal Free-free � 10�1000 nm � 6� 30kK � 2, 4, 5
Gyrosynchrotron W22•8 � MHz, W® 3 Ÿ 1010 K %C ® 50% 2
Synchrotron W22•8 � MHz, W ¡¡ 1 ŸŸ 1012 K %L ® 10% 2
ECME 2•8 � MHz ® 1018 K %C ® 100% 2
Plasma 9•8

p
=e� kHz ŸŸ 1018 K %C � 10s% 3, 5

requires a substantial amount of observing time across a variety of instruments in

order to robustly constrain not only a single event's properties, but the properties

of the distribution of events. With this in mind, my work has been focused on

constraining properties of non-thermal particle acceleration in the radio and how

they are related to the thermal signature of �ares in the optical. This is done both

through non-contemporaneous observations which investigate a part of the GBR

parameter space previously unaccessed for solar-type stars (Chapter 2) as well as

simultaneous monitoring campaigns to search for �ares and associated CMEs and

SEPs (Chapters 3�5). What will ultimately be illustrated is just how di�erent the

behavior of solar-type stars is from the Sun, the considerable power of using the

optical and radio in tandem, and the criticality of expanding dedicated observations

across the rest of the spectrum.
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C h a p t e r 2

A TRANSIENT POPULATION OF SOLAR-TYPE STARS AT
GHZ FREQUENCIES

Adapted from

Davis, I., G. Hallinan, C. Ayala, et al. (Aug. 2024). �Detection of Radio Emission
from Super-�aring Solar-Type Stars in the VLA Sky Survey.� In:arXiv e-prints,
arXiv:2408.14612, arXiv:2408.14612.doi: 10.48550/arXiv .2408.14612 .
arXiv: 2408.14612 [astro-ph.SR] .

2.1 Abstract

Solar-type stars have been observed to �are at optical wavelengths to energies much

higher than observed for the Sun. To date, no counterparts have been observed at

longer wavelengths. I have searched the Very Large Array Sky Survey (VLASS) for

radio emission associated with a sample of 150 solar-type that exhibit super�ares in

the Transiting Exoplanet Survey Satellite (TESS) data. Counterparts to six of these

stars were present in VLASS as transient or highly-variable radio sources. One of

the stars is detected in all three VLASS epochs, exhibiting an unprecedented level of

apparently persistent radio emission. The engine for this radio emission is unclear,

but may be related to accretion, a binary companion, or the presence of large-scale

magnetic �elds. Two stars show radio emission with¡ 50% circular polarization

fraction, indicating a coherent emission process likely being present. We �nd that the

VLASS-detected stars may predominantly emit non-thermal, incoherent emission

and tend to have higher �are rates and energies than the rest of ourTESSsample.

This, in addition to the VLASS-detected stars apparently adhering to the Güdel-

Benz relation, suggest that the radio emission may be associated with super�ares.

These results suggest that the super�are phenomenon on solar-type stars extends to

radio wavelengths, tracing particle acceleration. These data provide the �rst window

on the luminosity function of radio super�ares for solar-type stars and highlights the

need for coordinated, multi-wavelength monitoring of such stars to fully illustrate

the stellar �are-particle relation.
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2.2 Introduction

As discussed in Section 1.2, �ares resulting from the release of stored magnetic

energy are essentially ubiquitous across main-sequence stars with convective en-

velopes. While the most energetic �ares we see from the Sun are on the order of

� 1032 erg (Woods et al., 2006), other solar-type stars (i.e., stars with temperatures

between 5,600-6000 K) have been found to experience super�ares� �ares in excess

of 1033 erg. Super�ares had been considered exceptionally rare (Schaefer et al.,

2000), but the identi�cation of nearly 400 super�ares among� 150solar-type stars,

including slowly-rotating stars (stars with periods greater than 10 days), inKepler

data by Maehara et al., 2012 allowed for the beginning of a rigorous, statistical

analysis of the occurrence rate of super�ares on solar-type stars and solar analogs.

Using a larger set ofKepler data, Notsu et al., 2019 and Okamoto et al. (2021)

estimate a slowly-rotating, solar-type star may have a1034 erg super�are every few

thousand years and that this energy may represent the upper limit of the �are energy

that a slowly-rotating star is able to produce. More recently, Vasilyev et al. (2024)

has predicted super�are rates on the order of once per century with energies reaching

as high as1036 erg. These results are roughly supported �rst-principles calculations

by Shibata et al., 2013. Alternatively, solar-type stars with periods less than a few

days can produce �ares with orders-of-magnitude higher energy and much more

frequently (Davenport, 2016; Tu et al., 2020; Doyle et al., 2020).

These results have important implications when considering possibly-associated

particle escape in the form of CMEs and SEP events, especially in the context

of habitability and abiogenesis (Airapetian et al., 2016; Airapetian et al., 2020).

Although there are no empirical relations for correlating stellar �ares with stellar

CME occurrence, solar relations lead us to suspect that younger, more active stars

with more energetic �ares would also have more energetic CMEs and that this may

have important implications for both the rotational evolution of the Sun (Skumanich,

1972; Xu et al., 2024a) and the particle environment that a young earth might have

been subjected to. Alternatively, relationships between solar �ares and CMEs may

break down for active stars with stronger, large-scale magnetic �elds which may

suppress mass escape (Alvarado-Gómez et al., 2022a).

Radio emission at frequencies below a few GHz can provide a window into particle

acceleration in stellar coronae. This is supported by the Güdel-Benz relationship

(GBR) which shows that the quiescent radio luminosity of binaries and G, K, and

M stars have a correlation with their quiescent soft X-ray luminosity, de�ned in the



20

� 0•2 � 2keV range (Guedel and Benz, 1993). The GBR also holds for �are-related

emission both from stars and from the Sun (Benz and Guedel, 1994). Because the

dominant radio emission process in the GBR is gyrosynchrotron and thus incoherent,

the relationship can break down when the emission process is coherent� either

plasma emission or ECME. This occurs on the Sun for a signi�cant fraction of the

most extreme radio burst events (solar radio bursts with �ux densities¡ 108 Jy) at

1 GHz. The distinct spike structure of these bursts in dynamic spectra, high circular

polarization fractions (%+ ¡ 50%), and high brightness temperatures () B ¦ 1012 K)

preclude an incoherent process. These bursts' association with particularly strong

�ares may be indicative of a fundamental shift in the conditions and acceleration

processes responsible for producing the brightest radio bursts (Gary, 2019; Cliver

et al., 2022; White et al., 2024).

Although a broad range of radio emission associated with �are activity has been

observed for especially magnetically-active stars like UV Ceti variables (Spangler

and Mo�ett, 1976; Osten et al., 2005; Zic et al., 2020), there has been no observed

radio counterpart to the stellar super�are phenomenon on solar-type stars. Because

of this, it remains unclear whether the GBR holds for these events, if there is a

divorce from the relationship that could be indicative of a transition in emission

process from incoherent to coherent for highly-energetic events, and what this might

mean for the type of particle acceleration occurring and its impact on the surrounding

stellar environment. Addressing this requires dedicated, coordinated observations of

solar-type stars at wavelengths sensitive to �ares (i.e., optical, ultraviolet, and X-ray)

and at radio frequencies to identify for what �ares and radio bursts�if any�that

the relationship breaks down like it does for extreme solar radio bursts. Although

�ares are magnetic phenomena and hence associated with active regions, the actual

energy release in the �are process is stochastic (Davenport, 2016; Aschwanden et al.,

2018; Struminsky et al., 2020). Guaranteeing a detection of a super�are from even

an incredibly active star can require days of observing time dedicated to that star.

Without dedicated, multi-wavelength monitoring of stars, the detection of the radio

analogs to the super�are phenomenon relies on wide-�eld survey data.

This survey requirement has been partially accommodated by surveys like the Low-

Frequency Array (LOFAR) Two-metre Sky Survey (LoTSS) (Shimwell et al., 2017;

Yiu et al., 2024), surveys from the Australian Square Kilometer Array Path�nder

(ASKAP) (Pritchard et al., 2021; Pritchard et al., 2024), and the Very Large Array

Sky Survey (VLASS) (Lacy et al., 2020). Ayala et al. (in preparation) have
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recently identi�ed� 80 radio transients associated with stellar counterparts. Two

of these stars are young, solar-type stars that produce super�ares as observed by the

Transiting Exoplanet Survey Satellite (TESS, Tu et al., 2020; Doyle et al., 2020).

Inspired by these detections, I searched through two VLASS epochs informed by

an existing catalog of knownTESSsuper�are stars. I used the work of Tu et al.

(2020) and Doyle et al. (2020)�both of whom focused on identifying �ares from

solar-type stars in the �rst year ofTESSobservations�to build a list of 150 stars to

search for radio emission in VLASS as described in Sections 2.3 and 2.4. Of these

stars, I �nd radio emission from four additional stars, bringing the total number of

TESSsuper-�aring stars with an identi�ed VLASS counterpart to six. A summary

of these stars is provided in Table 2.1.

2.3 Data and Selection

Because I am interested in the radio counterpart to the super�are phenomenon in

solar-type stars and investigating whether the radio emission is similarly prevalent,

the sample of stars I search for emission in VLASS are those identi�ed to have �ares

in the catalogs of Tu et al. (2020) and Doyle et al. (2020). Both of these catalogs

focus on solar-type stars during the �rst year ofTESSdata. This search is motivated

by the stars that showed up in Ayala et al. (in preparation) that were also present in

these catalogs (HD 245567 and HD 156097). A summary of the data and source

selection criteria are provided in this section.

VLASS

With a survey speed of� 23•83square degrees per hour to a depth of� 120̀ Jy/beam,

VLASS presents the 2-4 GHz sky above� 40� declination to a sensitivity of 120µ Jy

for each of three epochs (Lacy et al., 2020) spaced by� 32 months. This survey is

being conducted in the B and BnA con�gurations of the VLA, providing a spatial

resolution of� 2•5". At the time of this work, VLASS had completed the �rst

two epochs and �rst half of the third epoch. The combination of spatial resolution,

large sky coverage, and multi-epoch nature of VLASS has made it an exemplary

resource for looking for radio transients (Dong et al., 2021; Dong and Hallinan,

2023; Somalwar et al., 2025).

The massive scale of VLASS�� 1011 synthesized beams in each epoch-�makes

doing blind transient searches onerous. Because of this, the transient-identi�cation

requirements that Ayala et al. (in preparation) chose were stringent and only focused

on identifying stellar transients in VLASS epoch 2 (E2); they set a7f 2–8threshold
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for identifying point sources in E2 and that the sourcenot be detected (Ÿ 3f 1–8) in

VLASS epoch 1 (E1), wheref 9–8is the noise of the VLASS pointing8containing

the star's coordinates in epoch9. A radio source was considered very likely stellar

in origin if it was within 1" of the proper-motion-corrected Gaia position of a star.

Rather than a blind radio search, I searched for VLASS sources associated with

a pre-existing sample of only a few hundred �aring stars. Because of this, my

detection threshold is much less strict; I still use the requirement that radio sources

are within 1" of the the proper-motion-corrected Gaia position of a star, but the

source need only be� 4f 9–8in eitherepoch (see Section 2.4 for more details). Thus,

in principle, my search could also be sensitive to quiescent emission.

Flaring Solar-Type Stars in TESS

TESS's photometric precision for bright targets (� 70parts-per-million (ppm) for

1 hr integration in the� � band), huge �eld of view (24� � 96� ) (Ricker et al., 2014),

and persistent observing has made it an exceptional tool to expand our understanding

of �ares and the kinds of stars that produce them (e.g., Günther et al., 2020; Tu et al.,

2020; Doyle et al., 2020; Pietras et al., 2022; Feinstein et al., 2022).TESS's red (600-

1000 nm) bandpass was chosen to optimize precision of transits around M-dwarfs.

Because �ares peak in the bluer part of the spectrum than the stellar surface, and

because the photospheres of solar-type stars are larger than M-dwarfs, the contrast

of �ares on solar-type stars is much lower than for �ares on M-dwarfs; generally,

TESScan only detect extremely high-energy �ares on solar-type stars. Although

Kepler's bluer bandpass may be sensitive to a broader range of �are energies there is

much smaller overlap of the sky covered by VLASS (Koch et al., 2010; Lacy et al.,

2020); TESShas a much larger sky overlap with VLASS, even from justTESS's

�rst year of observing. Tu et al., 2020 and Doyle et al., 2020 have used theTESS

2-minute cadence light curves to analyze �ares from solar-type stars observed by

TESS's �rst 13 sectors. From this data, Tu et al. (2020) identi�ed 1216 super�ares

on 400 stars and Doyle et al. (2020) �nd 1980 �ares from 209 stars.

Of the 400 stars in the Tu et al. (2020) sample, only 112 also show up in the

Doyle et al. (2020) collection. The discrepancy in the sources that show up in the

catalogs is due to the two studies having slightly di�erent selection criteria for solar-

type stars as well as di�erent procedures for �are identi�cation, classi�cation, and

reporting. Perhaps most signi�cantly, Tu et al. (2020) only considered super�ares

speci�cally� they did not include �ares with energiesŸ 1033 erg in their analysis

while Doyle et al. (2020) consider �ares as low-energy as apparently1031 erg. The
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energies reported in each catalog are also impacted by di�erences in their energy

calculation; while both catalogs implicitly assume that the �are temperature is the

same as the quiescent stellar temperature, Doyle et al. (2020) accounted for the

TESSband when estimating the bolometric �ux from the stars while Tu et al. (2020)

estimate �are energies by calculating the bolometric energy from the quiescent stellar

temperature. Although the actual stellar �are temperature can be much higher than

the� 10–000K that is often assumed in �are energy analyses (Berger et al., 2024),

excluding any temperature di�erence between the photosphere and �are leads to

underestimating the bolometric energy of the �are. This likely especially a�ects

Tu et al. (2020)'s catalog, which focused speci�cally on super�ares and so required

�ares be¡ 1033 erg to be included in their catalog. I provide a deeper discussion of

this underestimate in Appendix A.1. There are additional discrepancies in the stars

that each catalog considered based on di�erent de�nitions of solar-type as well as

Tu et al. (2020)'s attempt to exclude multi-star systems orTESSlight curves that

would have been contaminated by additional bright stars in the TESS point spread

function (PSF).

The �rst year ofTESS's operations focused on the southern hemisphere and had a

maximum declination of� 15� . Because VLASS has a minimum declination of

� 40� , only � 55%of the sky covered by VLASS had been covered byTESSwhen

Tu et al. (2020) and Doyle et al. (2020) produced their super�are star catalogs. 74

of the 209 �aring stars reported in Doyle et al. (2020) and 146 of the 400 �aring

stars reported by Tu et al. (2020) were in a �eld covered by VLASS. Accounting for

stars that showed up in both catalogs, there was a total of 180 stars between the two

catalogs that were in �elds covered by VLASS.

Addressing Binarity

For isolated, solar-type stars, the spin evolution of the star is driven by magnetic

braking, wherein angular momentum is lost to stellar winds and mass ejections

interacting with the stellar magnetic �eld (Skumanich, 1972). In binary systems,

tidal interactions can also modify the rotational evolution, resulting in rapid rotation

for compact binaries. Gyrochronology is moot as an age tracer in these systems.

Examples include RS CVn (Hall, 1976) and some Algol-type systems (Richards,

1992). Because I am interested in stars that may be representative of a young solar

system, I want to exclude any systems whose histories or activity may be signi�cantly

a�ected by a stellar companion.
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Work by Fleming et al. (2019) suggests that low-mass stars (" ® " � ) can tidally

interact out to orbital periods of 100 days. This is roughly consistent with syn-

chronous timescales described in Zahn (1977), assuming a second degree Love

number: 2 � 0•5 (Fleming et al., 2019) and a ratio between the stellar moment of

inertia to the moment of inertia of a ring of� 0•07(Claret and Gimenez, 1989). For

binaries composed of solar-mass stars, this then requires that the stars be separated

by ¦ 0•5AU.

For all 180 stars from Tu et al. (2020) and Doyle et al. (2020)'s catalogs that

were covered in a VLASS �eld, I checked the classi�cation as listed on SIMBAD

(Wenger et al., 2000) to identify RS CVns. I also checked the Gaia DR3 non-single

star (NSS) catalog (Gaia Collaboration, 2022), the Washington Double Star (WDS)

catalog (Mason et al., 2001), and the spectroscopic binary orbit catalog (Pourbaix

et al., 2004) in order to identify as many binaries as possible where the orbit may

have played a signi�cant role in the rotational properties of the star. Any star that

was reported by Gaia Collaboration (2022) or Pourbaix et al. (2004) to have an

orbital periodŸ 100days was �agged as a binary. Additionally, I required that the

quality grade provided for the binary in Pourbaix et al. (2004) be 3 or higher1. I

used the largest angular separation between physical binaries to investigate binarity

in the WDS catalog; any angular separation that would correspond toŸ 1AU would

be �agged as a binary. However, all of the binaries in my sample that were listed in

the WDS catalog were¡ 10AU.

Of the 180 stars, four were identi�ed as RS CVns: HD 217344, TY Col, AI Lep,

and V1198 Ori. An additional 23 stars were identi�ed as having orbital periods

Ÿ 100days, for a total of 27 binaries that might be tidally interacting, reducing our

sample size to 153 targets. It is worth emphasizing that although this work ruled out

several de�nitive binary stars, it is di�cult to de�nitely rule out binarity and there

very well could still be binaries contaminating the sample. The �nal collection of

TESSdata used in this work can be found in MAST2.

2.4 Methods and Results

Tu et al. (2020) report the occurrence time and duration of the �ares so that I could

implement my own energy calculation method for each �are as outlined in Appendix
1This refers to the quality of the orbit calculation, ranked from 0 to 5, with 0 being a poor estimate

and 5 being de�nitive. Although Pourbaix et al. (2004) does not give a recommended quality cuto�,
grade 3 corresponds roughly to the mean value of available quality assignments as well as the average
quality assigned to orbits in catalog (3.45).

2[10.17909/8g1x-8945]http://dx.doi.org/10.17909/8g1x-8945
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A.1. By contrast, Doyle et al., 2020 do not report information for individual �ares.

Because of the discrepancies in how the two teams calculated �are energy and

reported �are information, and because consistency in �are energy estimation is

important for the purposes of my analysis, I produced my own �are-identi�cation

and analysis pipeline to run on all 153 assumed single stars that exist in a VLASS �eld

presented by the two catalogs. In this section, I brie�y review the �are-identi�cation

process as well as my VLASS-source identi�cation method.

TESS Flare Identi�cation and Characterization

My method of identifying �ares inTESSScience Processing Operations Center

(SPOC) light curves closely follows the methodology outlined in Section 3.1 of

Jackman et al. (2021). In this method, stellar light curves are iteratively de-trended

by applying a median �lter to data and �agging points¡ 3f in order to produce a

light curve that has had all �ares and eclipses removed. The raw light curve is then

divided by this �agged light curve to remove the e�ects of,e.g., starspots on the

�ux. Flare candidates are identi�ed in this de-trended light curve and then checked

by eye to con�rm they are �ares. I provide a more in-depth explanation for this

method, the �are-energy calculation, and the �are-rate calculation in Appendix A.2.

The code I wrote and used for this analysis is available for use on GitHub3.

Across the 153 stars and all currently completedTESSsectors (up to sector 65),

the code identi�ed 1,579 �ares, 86 of which, I concluded, were not real �ares after

checking each �are by eye. The total number of �ares is then 1,493. The nature

of our �are-detection criteria (i.e., that a certain number of consecutive points be

three standard deviations above the normalized light curve) resulted in a minimum

energy of� 1033 erg for a �are to be identi�ed for stars of this temperature range and

therefore all of the �ares qualify as super�ares. There were three stars for which the

�are-�nding code found no �ares: TIC 328349131 (TYC 58-209-1), TIC 1258935

(TYC 6027-806-1), and TIC 57719552 (TYC 7216-55-1). For each of these stars,

I inspected the entireTESSlight curve by eye. There is a possible �are for both

TIC 328349131 and TIC 1258935, but these �ares occur at the very end of a light

curve segment I had �agged. For TIC 57719552, there is a �are candidate peaking

at 1589.3477 BTJD, but it had an insu�cient number of 2.5f points to be identi�ed

as a �are. Although the �are candidates for these stars may very well be actual

�ares, I did not �nd it appropriate to �nd all �ares that may have been missed across

the other 150 stars. Therefore, I exclude these three stars from my sample. My �nal
3https://github.com/iveydavis/flare_id/
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Figure 2.1: The FFD (black) for the 1,493 �ares we identi�ed across 150 solar-type
stars. The FFD for �ares above1034 erg is best �t by a power law index of -1.92
(red).

sample to look for bursts in VLASS is then 150 stars.

As a rudimentary validation of the �are characterization method, I look at the

�are frequency distribution (FFD) for the �are energies I calculated (see Figure

2.1). For this FFD, I used thirty bins evenly-spaced in log space between1033

and1038 erg, count the number of �ares that are present in each bin, and divide

these counts by the total amount of time spent on the 150 stars I identi�ed �ares

for. I �t a line for the bins in the1034•07� 37•17 erg bin range using a least-squares

method. The lower end represents the �turn-over" point in the FFD, below which

the positive power-law index is likely due to detection bias�lower energy �ares

are still likely more-commonly occurring than higher-energy �ares in this positive-

power-law range, but they are less likely to be detected due to instrument sensitivity

and our �are-identi�cation requirements. The upper energy limit in the FFD �t

arises from the last bin that had a non-zero �are count. From this, the slope of

the FFD for �ares with energies¡ 1034 erg follows a power law index of� � 1•9,

which is consistent with other studies of super�ares from solar-type stars by,e.g.,

Maehara et al. (2012), Shibata et al. (2013), and Maehara et al. (2015) and is also

consistent with the� 1•5 to � 1•9 value found for solar �ares in the1024� 32 erg range

(Aschwanden et al., 2000).
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VLASS Burst Identi�cation

For each of the 150 stars that lie in a VLASS �eld, I downloaded20 � 20 cutouts

for both VLASS epochs 1 and 2 from the CIRADA Cutout Image Web Service for

a total of 300 cutouts to search for stellar radio emission. I identi�ed sources in

these cutouts using thefindsources function in CASA4 version 6.5.2-26 (CASA

Team et al., 2022). Sources less than 4f were excluded, wheref was determined

by the root-mean-square (RMS) property of thestatistics function applied to

the CIRADA frame. For each frame, I used the observation date from the CIRADA

cutout header and proper motion values from Gaia eDR3 (Gaia Collaboration, 2020)

to calculate the proper-motion-corrected position of the star that should be in the

frame.

While VLASS has2•5" spatial resolution, the quick-look images from CIRADA

have a pixel size of1", similar to the survey's maximum positional uncertainty� 1"

(e.g., VLASS memos 145 and 176). Because of this, VLASS sources reported by

findsources that wered\ ¡ 1" from the star's Gaia position were considered

emission not associated with the star. CIRADA frames where there was a source

coincident with the star's position were then inspected to con�rm convergence of a

2D-gaussian point-source model at the location of the source usingCASA's imfit

function. We expect these sources to have a RMS positional error of\ RMS =

\ FWHMSNR� 1¹2 ln 2º� 1•2 where\ FWHM = 2•5" is the beam size and SNR is the

signal-to-noise ratio of the source (Condon, 1997). All of my sources haved\ Ÿ

1•5f SNR, making me reasonably certain the radio emission is coincident with the

associated star's position.

Across the 150 stars and between the two VLASS epochs I searched for radio

emission, this method found eight VLASS sources coincident with the position of

six stars. Two of these stars (HD 245567 and HD 156097) are the ones identi�ed by

Ayala et al. (in preparation). The �elds for all VLASS-detected sources are shown

in Figure 2.2. Details on these detections are provided in Table 2.2.

Of the six stars, two (HD 156097 and HD 321958) were �agged by Tu et al. (2020)

for possibly having an M-dwarf within theirTESSPSF. While the VLASS beam

size makes me con�dent that the radio emission originated from the solar-type star,

there was some risk of the optical �ares actually originating from the M-dwarf
4https://casa.nrao.edu
5https://library.nrao.edu/public/memos/vla/vlass/VLASS_014.pdf
6https://library.nrao.edu/public/memos/vla/vlass/VLASS_017.pdf
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Figure 2.2: The CIRADA Stokes I cutout for each VLASS source associated with a
super-�aring star. The white cross-hairs are centered on the proper-motion corrected
position of the star from SIMBAD values (Wenger et al., 2000) and the red cross hairs
are centered on the position of the source as identi�ed byCASA's imfit function.
The beam shape is shown as a white ellipse in the bottom left corner of each frame.

because of how large theTESSPSF is. However, based on the implied �are energies

and associated �ux contribution that might be expected from an M-dwarf, it is

highly unlikely that an M-dwarf is responsible for the �ares; although an M dwarf

may be able to produce �ares that could account for the lowest-amplitude �ares of

the HD 156097TESSlight curves, it is highly unlikely to reproduce its highest-

amplitude �ares and similarly unlikely to be responsible for all 31 �ares I identi�ed

for this star. I provide more details on this analysis in Appendix A.3.

VLASS Polarization

For each of the VLASS sources, Steven Myers re-imaged the �eld in full polariza-

tion. He restored the VLASS observations from the archive using the default VLA

Calibration Pipeline for that observation. The sources were imaged inCASAusing

CASAversion 5.6.1-8. We created a wide-band (1965 - 4013 MHz) multi-frequency

synthesis image using a single Taylor expansion term representing the average over
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the band in Stokes I and V. The �ux densities in Stokes I for each star is the extremal

value in a5 � 5pixel box (2•5" � 2•5") centered on the position on the source

previously identi�ed byfindsources . The �ux densities in Stokes V polarization

was extracted at the location of the peak in the Stokes I image, taking the extremal

value (positive or negative) in the V image in a 5� 5 pixel box around the I peak.

Although Stokes Q and U were also imaged, none of the sources identi�ed in Stokes

I had a signi�cant (� 4f ) detection in Stokes Q, U, or in total linearly-polarized

light ( a–! =
q

( 2
a–&¸ ( 2

a–* where( a–& and( a–* are the �ux densities of the source

position in Stokes Q and U, respectively. As such, I only address Stokes I and V.

The values I report in Table 2.2 are those extracted values, with the uncertainties

derived using the standard deviation about the mean in the given image calculated in

an annulus from10" to 60" from the source in the image center. The Stokes V data

have not been corrected for any systematic e�ects such as the beam squint between

the R and L polarized primary beams of the VLA, or any systematic o�set between

the R and L antenna based calibrations. The VLASS images are made using data

from 128 individual on-the-�y (OTF) pointings surrounding the target and we expect

some of these e�ects to average out. Systematic errors in Stokes V that arise from

the uncorrected beam squint are estimated to be10%, therefore circularly polarized

emission above the10%level are likely believable. The �ux densities themselves

derived from these Quick-Look Images are also subject to signi�cant uncertainty

(VLASS Memo 137) with peak values showing a systematic o�set of -15% and

scatter of� 8% in �ux density for all polarizations.

2.5 Discussion

Because none of the VLASS detections were contemporaneous withTESSobser-

vations of the respective stars, I cannot unambiguously say that any radio emission

is associated with a super�are. Instead, I can investigate the properties of the

VLASS-detected stars and how they compare to the properties of the larger sample

of super-�aring stars inTESSand to the broader population of radio-detected stars.

From this, we can explore what that might mean for the likelihood that these bursts

are associated with super�ares or their correlation with other stellar properties. In

particular, I consider what the e�ects of the observing properties of VLASS, max-

imum TESS�are energy, and theTESS�are rate might have on detecting radio

emission from these stars. Before discussing my results in the context of the larger

TESSsuper�are star sample, I �rst discuss the relevant emission processes and how
7https://library.nrao.edu/public/memos/vla/vlass/VLASS_013.pdf
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they relate to each of the individual VLASS-detected stars.

Before beginning that discussion, it is worth mentioning that the Rossby number�

the ratio between the stellar rotation period and the convective turnover time�is

normally included in discussions of activity. This is because of a power-law relation

between Ro and activity indicators�such as the X-ray-to-bolometric luminosity

ratio ' x�for Ro greater than a saturating value, Rosat. Alternatively, for Ro values

ŸRosat, the activity indicator value remains essentially constant. Because my stellar

sample is so restricted (stars with temperatures between� 4900� 6000K and

rotation periods® 10d), I do not expect Ro to be an informative metric. To con�rm

this, I calculate the Ro values for the sample of 150 stars by using my own period

estimations from theTESSlight curves and using the astroseismological calibration

of Corsaro et al. (2021) to estimate the convective turn-over timescales; these

values are reported in Table 2.1. The VLASS-detected stars do not have Ro values

consistently higher or lower than the medianTESSsuper�aring star, although I do

�nd the ' X values we calculate for the VLASS-detected stars are generally higher

than the medianTESS-super�aring star, shown in Table 2.2. However, I indeed

�nd there is no correlation between the Rossby number and the �are energies, peak

luminosities, or rates of the stars, nor is there any correlation between Ro and the

X-ray luminosity for the 111 of these stars that were reported in Freund et al. (2022).

Radio Emission Processes

In addition to the di�culty of associating the radio emission with a potential optical-

�are counterpart, the nature of VLASS observations�5 s integrations spaced apart

by multiple years�makes it di�cult to constrain the process responsible for the radio

emission when it is highly variable across the epochs. The primary remaining tools

we have available to us in this endeavor are the emission's polarization and brightness

temperature) � = ( a224c32¹2: � a2 � º� 1 where( a is the �ux density,2 is the speed

of light, 3 is the distance to the star,: � is the Boltzmann constant,a is the emission

frequency, and� is the area of the emitting surface. The non-thermal, incoherent

processes we may expect for the stars are synchrotron and gyrosynchrotron (Dulk,

1985; Güdel, 2002; Benz and Güdel, 2010). These processes may present linear

and circular polarization, respectively, with the fraction of polarization being less

than a few 10s of percent. They are additionally limited to brightness temperatures

ŸŸ 1012 K if synchrotron and® 1010 K if gyrosynchrotron (Dulk and Marsh, 1982;

Readhead, 1994). Alternatively, coherent processes like ECME and plasma emission

can achieve brightness temperatures well in excess of1012 K and can exhibit high



33

levels of polarization. These emission properties were summarized in Table 1.1.

The stellar VLASS detections I present here show brightness temperatures on the

order 1010� 11 K, taking a = 3GHz (the center of the VLASS band) and assum-

ing the emitting region is the size of the stellar surface (i.e., taking � = 4c' 2).

This assumption is valid if essentially the entire stellar corona is emitting. Thus,

this represents an approximate upper limit on the emitting area orlower limit on

brightness temperature; if we assume the emission originates from smaller regions

as we associate with impulsive events like �ares, then the brightness temperature

could be orders of magnitude higher than what I report in Table 2.2. As such, if

the emission is incoherent, it is unlikely that the majority of the emission I report

is gyrosynchrotron as it would require a transient acceleration mechanism that �lls

an area the size of the stellar surface or larger at the highest possible brightness

temperature achievable by the process. A process with these properties would not

be readily-explainable in the magnetic-activity paradigm. Instead, most of the emis-

sion is more easily explained as synchrotron, originating from a relativistic electron

population contained in magnetic loops with energies on the order of MeV. This

emission process is also consistent with the lack of detectable polarization from

most of the stars.

I should note that a lack of polarization and) � Ÿ 1012 does not preclude the

emission from being coherent. Indeed, if the emitting region is® 2�20% of the

stellar surface area�reasonable limits for the area covered by a �are loop�then the

1012 K limit is met and thus wouldrequirea coherent process. Without more time

and spectral information, and especially without a Stokes V detection for most of the

sources, synchrotron generally cannot be ruled out. There are two exceptions to this

incoherent assertion: AT Col, which had a marginal (3•3f V) detection in Stokes V,

and HD 245567, which had a signi�cant Stokes V detection (12•8f V). When paired

with the relatively high brightness temperatures, it becomes increasingly likely that

the emission from these two stars is coherent. If the emission is ECME, these

detections could represent the stellar analog of the transition to coherent processes

for the brightest solar radio bursts discussed in Section 2.2. Deeper discussions

on the emission mechanism for these two stars are provided in the stars' respective

sections.
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The VLASS-detected Stars

HD 22213

HD 22213 is one star in the sample that is actually a known binary. However, the

orbital separation is on the order of 100 AU (Mason et al., 2001). As such, the

companion is not expected to be strongly impacting the rotation evolution of the star

or driving magnetic activity. Instead, its high activity is likely related to its young

age; its inclusion in the Tucana-Horologium association suggests it is� 45Myr old

(Bell et al., 2015).

HD 22213 was detected in X-ray both by ROSAT in both 1991 (Boller et al., 2016)

and eROSITA in 2020 (Merloni et al., 2024). Accounting for the star's distance, the

luminosity in the 0.2-2.3 keV eROSITA band was5•5 � 1030 erg/s. Using the stellar

parameters in Table 2.1, this leads to a ratio of X-ray luminosity to bolometric

luminosity of ! X• ! bol = 4•2 � 10� 4, within or near the saturated regime. As

mentioned previously, this is to be expected for the stars in our VLASS-detected

sample, all of which have Rossby numbers that put them in or near this regime.

HD 295290

HD 295290 is a member of the 40 Myr Columba association (Gagné et al., 2018)

and is one of two stars in the sample detected in both VLASS epochs that I search for

emission. Its estimated brightness temperature in E1 was the highest of any detection

from our sample (� 1011 K) and, when paired with a lack of polarization, de�nitively

makes synchrotron a more likely emission mechanism than gyrosynchrotron for the

E1 detection, although a coherent process cannot be ruled out. When considering

the nature of the much weaker E2 emission, it is worth acknowledging that VLASS

epoch 3 (E3) data is available for this source. In this epoch, there was an8f

detection (1•273� 0•161mJy) of the source with no detectable polarized emission

(Stokes V �ux density= � 0•232� 0•150mJy).

HD 295290's E1 radio emission being� 10� higher �ux density than the emission

in the other epochs makes it more likely that the emission in E1 is burst-related and

possibly associated with an event like a �are. It is less certain whether the emission

in E2 and E3 are bursts or if they are quiescent in nature. One way to evaluate the

likelihood that the emission is a radio burst associated with a �are is to consider the

probability of a �are occurring during a VLASS observation. If a �are were only

as long as a VLASS exposure time, then the probability of observing a �are would
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just be:

%= 1 � exp¹� 5� � Cepoch� # epochº (2.1)

where5� is the �are rate of the star,Cepochis the exposure time per epoch, and# epoch

is the number of epochs that we search for a �are during. However, as �ares last

much longer than 5 s, this would grossly underestimate the probability of observing

a �are during a VLASS epoch. Instead, we must scale the argument in the exponent

by C�,avg •Cepoch, whereC�,avg is the average duration of a �are, such that:

%�are = 1 � exp¹� 5� � C�,avg � # epochº• (2.2)

For HD 295290, the average �are duration is 1657 s and the �are rate is 217 yr� 1, so

that the probability of HD 295290 �aring during a single VLASS observation is only

%�are = 0•011and of �aring in all three epochs%3
�are = 1•45� 10� 6. This is assuming

that theTESSand VLASS sensitivities are at the same part of the luminosity function

for these �ares. Instead, it could be that only one of these VLASS detections is a

burst associated with a super�are while the other two epochs are showing quiescent

emission. Considering that the emission from E1 was 5-7 times stronger than the

emission observed in E2 and E3, it could be that E1 is emission associated with a

burst while E2 and E3 are quiescent emission.

That said, the �ux density of even the lower-intensity E2 emission would be the

equivalent of� 107 solar �ux unit (SFU) emission at the distance from the Sun.

This is an order of magnitude brighter than the brightest burst seen from the Sun

at these frequencies (Cliver et al., 2011). Similarly, the radio luminosity of this

emission is� 10 � 500� the quiescent emission reported for solar type stars by

Gudel et al. (1994), which is already 1000s of times the estimated solar quiescent

radio luminosity. The emission is not only luminous, but the brightness temperatures

I report here are1000� the brightness temperatures reported by Gudel et al. (1994)

who also assume the emitting surface is the size of the star; for HD 295290's emission

to be persistent gyrosynchrotron like has been observed for some other solar-type

stars, it would either need to consistently be at the physical limit for the brightness

temperature of gyrosynchrotron or be originating from an isotropically-emitting

surface extending to several tens of stellar radii. Although the emission reported

here is extreme, without better time and spectral data it is di�cult to conclude what

the emission process is and if it can unambiguously be distinguished between a

transient and persistent process. Regardless, the emission is extraordinary.
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While this burst probability discussion does assume that the radio emission is

associated with a �are, it could be that the emission is associated with an unrelated

magnetospheric process as is discussed in Section 2.5. Such strong and consistently-

detected emission may also be explained through binary interactions, which are

known to be capable of producing bright, persistent, and variable radio emission

(Drake et al., 1989). Alternatively, accretion (or ejection) processes are also capable

of producing long-lasting and variable radio emission (Skinner and Brown, 1994;

Cesaroni et al., 2024). Such events may be reasonable to expect given HD 295290's

young age. Because the VLASS observing cadence is so sparse, and especially

because HD 295290 is detected in all three epochs, it is essentially impossible to

derive a speci�c radio emission rate that we could compare against its �are rate.

Instead I will consider the burst rate of the entire sample as is addressed in Section

2.5. Because of this, the relationship between HD 295290's �are activity and its

radio emission remains unclear.

AT Col

AT Col is the other star detected in both E1 and E2 of VLASS. It was most

signi�cantly detected in E1 when it also exhibited detectable (¡ 3f ) Stokes V

emission. The �ux density in Stokes I and V suggest a polarization fraction of

0•52 � 0•18. Such a high circular polarization fraction cannot be explained by

synchrotron emission, which is generally much less than10%(e.g., Melrose (1971)

and Sazonov (1972)). This would then suggest that either gyrosynchrotron or a

coherent emission process is responsible for the emission in E1.

The brightness temperature of the Stokes I emission, assuming the emitting region

is the size of the star (� 2 � 1010 K), may be su�cient to rule out transient gyrosyn-

chrotron, which is limited to® 1010 K (Dulk and Marsh, 1982). As I mention in

Section 2.5, if we assume the emission is generally persistent with some variability

in polarization and thus associated with the quiescent phase of the star, then the

emitting surface may be larger than the stellar disk. That said, the emitting area

would need to be� 1000� larger, corresponding to distances of about 30 times the

stellar radius for an isotropically-emitting region, to reach the� 107 K that has been

estimated for the quiescent radio emission for other solar-type stars (estimates which

do not assume a surface larger than the stellar disk, Gudel et al., 1994). Thus, if the

emission is gyrosynchrotron, either the emitting area (and the length-scale of the

accelerator) is extremely large or the brightness temperature would be higher than is



37

usually estimated for quiescent emission for this spectral type. Alternatively, if the

emission is transient, the plausible coherent emission mechanisms can both reach

brightness temperatures well in excess of1012K and circular polarization fractions in

excess of70%, but may have lower polarization fractions due to propagation e�ects

in the stellar atmosphere. Especially because the emission is not strong enough for

us to extract a spectrum, we can not conclude whether the emission is an incredible

instance of gyrosynchrotron or the result of a coherent process.

Unlike HD 295290, AT Col is not also detected in E3. This might make it more likely

that the emission from AT Col is indeed associated with transient phenomena despite

the low probability of detecting a �are-associated burst in two epochs (%2
�are � 10� 5).

In a similar argument to the case of HD 295290 in Section 2.5, the �ux density

compared to solar radio bursts at these frequencies may be su�cient on its own

to rule out quiescent emission, even for the weaker detection which would have a

corresponding �ux density of� 107 SFU at 1 AU. As with HD 2959290, considering

the luminosity in the context of the Sun might imply that this emission is transient,

but it is unclear whether the luminosity of its emission can unambiguously rule out

quiescent emission when considered in the stellar context.

It is worth noting that AT Col is consistently detected in X-ray missions, including

ROSAT in 1990 (Pye et al., 1995; Mason et al., 1995; Boller et al., 2016) and

2020 (Merloni et al., 2024), Swift between 2009 and 2016 (Evans et al., 2020), and

XMM-Newton in 2014 (Freund et al., 2018). Its X-ray �ux from ROSAT implies it

is in the X-ray saturation regime! X• ! bol � 10� 3 (Vilhu, 1984; Wright et al., 2011),

which again is indicative of it being a highly active star. It may also have an activity

cycle, as suggested by its long-term rotational modulation and brightness variability

(Distefano et al., 2017). The persistent X-ray emission paired with the activity cycle

might explain the detection in E2 and non-detection in E3; AT Col may have been

at a cycle minimum during E3, reducing its possible quiescent radio emission to an

undetectable level for VLASS.

HD 245567

HD 245567, a weak-line T Tauri star (Li and Hu, 1998), is one of two stars presented

here that was identi�ed in the work of Ayala et al. (in preparation). Because it is a

weak-lined T Tauri, it is likely that its inner disk has mostly dissipated and therefore

does not play a signi�cant role in its activity. HD 245567 is also one of the two

stars in this work that has signi�cantly circularly-polarized radio emission. The high
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�ux density� the second highest of the sample� made it possible to extract spectra

for both Stokes I and V, shown in Figure 2.3. The exceptionally-high polarization

fraction� more than80% in some bands� requires this emission be coherent. I

discuss the signi�cance of this in the context of the larger super�are star sample

brie�y in sections 2.5 and 2.5.

The two main coherent emission mechanisms for stellar radio emission are plasma

emission and ECME, both of which can reach polarization fractions up to 100%

(e.g., Dulk (1985)). Although plasma emission from the Sun is observed up to

several GHz, it is never seen to have such a high polarization fraction above a few

hundred MHz. Instead, this emission is more likely to be due to ECME, which has

previously been reported for TTSs (Smith et al., 2003; Pritchard et al., 2021; Feeney-

Johansson et al., 2021). This is observed from the Sun when electrons are trapped

in post-�are loops (Gergely, 1986; Morosan et al., 2019) and is also observed from

the magnetized planets. In particular, the cadence and geometry of Jupiter's ECME

depends on both the orbital phase of its moons (Goldreich and Lynden-Bell, 1969)

and the rotational phase of Jupiter (Zarka et al., 2021). Such periodic emission has

also been observed from M dwarfs and brown dwarfs where the observing cadence

of the emission is modulated by their rotation (Hallinan et al., 2008; Rose et al.,

2023; Bloot et al., 2024). Because of this, it is unclear whether this emission is

associated with �aring behavior or if it is rotation-modulated emission, although I

should emphasize that rotationally-modulated ECME has never been reported for

this spectral type.

The frequency that ECME is observed at depends explicitly on the magnetic �eld

strength of the source with frequencya = B2•8 � [MHz] where � is the magnetic

�eld strength in Gauss andBis the harmonic of the emission we are observing.

Assuming this emission is ECME at the fundamental, the detection at 3.685 GHz

would imply that HD 245567 has a magnetic �eld¦ 1–300G. This �eld strength

is consistent with Zeeman-broadening measurements of T-Tauri magnetic �elds

reported by,e.g., Yang et al. (2005) and Lavail et al. (2017).

As with the other VLASS-detected stars, HD 245567 is regularly detected in the

X-ray, with a luminosity� 4 � 1030 erg/s in the 0.1-2 keV band (Voges et al.,

1999; Boller et al., 2016; Freund et al., 2022). When paired with its bolometric

luminosity, this leads to a! X• ! bol = 6•94� 10� 4, putting it in or near the saturation

regime, consistent with this being a highly-active star. Because the emission is

likely coherent, we may then expect this star to be radio-luminous relative to the
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Figure 2.3: The spectra for Stokes I and V (left axis) and the polarization fraction
(right axis) for HD 245567 in VLASS E2. At the peak �ux density, the polarization
fraction is0•82 � 0•076. The error bars here represent� 1f , with the polarization
fraction uncertainty being calculated from standard propagation of uncertainty for
( a–V• ( a–I. The frequencies here were selected to be constant fractional bandwidth
ahi•alow = ¹4013MHz•1965MHzº1•4 = 1•1954whereahi is the high end of the
sub-band,alow is the low end, and 1965 MHz-4013 MHz is the full frequency range
of VLASS.

GBR, discussed in more detail in Section 2.5. However, because the radio emission

is transient, the most relevant X-ray luminosity to use to evaluate the emission's

position relative to the relationship is the �aring X-ray luminosity, not the quiescent

luminosity that is most likely observed by ROSAT. Because we do not know the true

X-ray luminosity of this star's �ares, we instead estimate the peak X-ray luminosity

to be10%of the peak bolometric luminosity, discussed in more detail in Section 2.5.

The mean, estimated X-ray �are luminosity for HD 245567 is9•37� 1030 erg/s, which

when paired with its radio luminosity of4•68 � 1016 erg/s/Hz produces a X-ray-to-

radio luminosity ratio! X,�are • ! R = 1014•3. This suggests that the radio emission is

mildly radio luminous relative to the GBR presented as! X• ! R = 1015•5� 0•5 by Benz

and Guedel (1994), although it is within the error of1014•52� 1•31 reported in Gudel

(1992) and Gudel et al. (1993). Without knowing the luminosity of the speci�c �are

that this emission is associated with�or if it even is associated with a �are�it is

di�cult to use the GBR to estimate the over-luminance of the radio emission and

how this relates to the solar paradigm where the brightest solar radio bursts are both

associated with strong �ares are coherent rather than incoherent (White et al., 2024).
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HD 156097

HD 156097 was the VLASS-detected star with the highest �are rate and is one of

four stars detected only in VLASS E2. It was one of two stars �agged by Tu et al.

(2020) as having an M-dwarf contaminating itsTESSPSF that may be responsible

for the �ares in theTESSlight curves. I address this possible contamination in

Appendix A.3 and �nd that the nearest star with a temperature reported by Gaia

DR3 that is within42" (two pixels on theTESSdetector) could not reasonably

produce �ares large enough to account for the �are amplitudes observed from this

star.

HD 156097's kinematics lead theBanyanmoving group association program to

classify it as a �eld star with a probability� 74% (Gagné et al., 2018). If this

star is indeed a �eld star, it may be more likely that a companion�rather than

a young age�is responsible for its� 2day rotation period. The other possible

association is the Upper Centaurus Lupus (UCL) association at 23.5% probability.

This association, estimated to have an age between 10-25 Myr (Röser et al., 2018),

would be consistent with the� 30Myr age assumed from its Lithium equivalent

width (Desidera et al., 2015).

This star has additionally been detected in X-ray in 1990 (Boller et al., 2016), 2007

(Freund et al., 2018), and 2020 (Merloni et al., 2024). Its �ux in the eROSITA

0.2-2.3 keV band in 2020 corresponds to a luminosity of5•50 � 1030 erg/s (Freund

et al., 2022). Using the e�ective temperature and radius for the star reported in

Table 2.1 to calculate the bolometric luminosity, this would put it at! X• ! bol =

6•56 � 10� 4 � 10� 3, which implies it is in or near the saturated regime, consistent

with its extreme activity.

HD 321958

Like HD 156097, HD 321958 was �agged by Tu et al. (2020) to have an M-dwarf

in its TESSPSF. However, the �are luminosity that would be required from the

M-dwarf to reproduce the �ares observed in theTESSlight curve would be orders

of magnitude higher than the quiescent luminosity of the M-dwarf, making it a

highly-unlikely contaminant in this analysis. This star was marginally detected only

in VLASS E2, but has the third-highest radio luminosity and the largest �are energy

of the VLASS-detected stars. These details are likely observationally driven as it is

the furthest star of the VLASS-detected stars.
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HD 321958 is apart of the de�ning sample for the UCL moving group (Röser

et al., 2018), althoughBanyan estimates suggest a15% probability it is a �eld

star. It was also observed in the X-ray in 1990 by ROSAT (Boller et al., 2016)

and in 2020 by eROSITA (Merloni et al., 2024). Its �ux in the 0.2-2.3 keV band

measured by eROSITA is9•18 � 10� 13mW/m2. When paired with the bolometric

luminosity estimated from the stellar parameters provided in Table 2.1, this leads to

! X• ! bol = 6•0 � 10� 4, within the saturated regime as would be expected for a star

® 30Myr old as is estimated for the UCL moving group.

VLASS Detection Limits

If the stars VLASS detected had systematically low radio luminosities due to being

especially nearby or in low-noise VLASS �elds, it would make sense that we were

able to detect them over the other 144 stars in theTESSsuper�are sample. To

investigate this possible bias, I calculate how large the radio luminosity from each

of the 144 stars would have to be in order to be a4f detection in their respective

CIRADA frame. This luminosity is taken to be4f � ¹ 4c 32º, where3 is the distance

to the star andf is the RMS value for the CIRADA frame as given byCASA's

statistics tool. The median value for the minimum required radio luminosity

for the TESSsuper�are stars is reported in Table 2.2 along with the actual radio

luminosities of the six VLASS-detected stars.

What is immediately obvious is that the radio luminosity of the VLASS-detected

stars lie on either side of the median value for the required luminosity for a star to be

detected in VLASS. This implies that the majority of the required radio luminosities

should not be considered unreasonably large for fast-rotating, solar-type stars and,

therefore, the sensitivity of VLASS likely is not an inhibiting factor in this science.

That said, it may be that VLASS is only sensitive to bursts associated with the most

energetic �ares, as is discussed in more detail in Section 2.5.

We can also address this from the perspective of the solar paradigm if we explicitly

consider the radio luminosities of the stars detected in VLASS. Five out of six of

these stars would have corresponding �ux densities of� 107 solar �ux units (SFU

= 104 Jy) at 1 AU. This is only about a factor of 10 brighter than the brightest

solar burst observed at similar frequencies (Gary, 2019; Cliver et al., 2011). When

considering that young stars tend to have both denser plasmas and stronger magnetic

�elds�thus providing a larger high-energy electron population for emission�these

luminosities seem reasonable in the solar paradigm, granted these exceptionally-
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bright solar radio bursts at 1.4 GHz do not behave like typical solar radio bursts

(White et al., 2024). The question then is whether there are features of the stars

besides their �eld that might make them more or less likely to be detected in VLASS.

This is addressed in the next three subsections.

Flare Luminosity and the Güdel-Benz Relation

Although the GBR had been derived for the steady, quiescent X-ray and radio

emission for binaries, M-dwarfs, and solar-type stars, it has been shown to also

apply to the X-ray and microwave emission of both solar and stellar �ares (Gudel

et al., 1993; Benz and Guedel, 1994; Gudel et al., 1994). Because of this relation, we

might be able to better constrain whether these bursts are associated with super�ares

by comparing the radio luminosity of the VLASS bursts to the X-ray luminosities

of �ares from these stars.

To do this, I take! G to be10% of the average peak bolometric luminosity of the

super�ares of a given star (the bolometric luminosity estimate is described in part in

appendices A.1 and A.3). This should be a reasonable order-of-magnitude estimate

given that� 70%of the bolometric energy of solar �ares is expected to be contained

in the white-light component of the �are, the �are component that is measured

by TESS(Kretzschmar, 2011). This then leaves on order10% of the energy to

be radiated in other parts of the EM spectrum, primarily the X-ray. I calculate

! R = ( a � 4c32 from the �ux density of the VLASS sources( a and distance of the

star3.

I plot ! Gagainst! R for each of the six VLASS-detected stars along with three groups

of stars that informed the GBR (Gudel, 1992; Gudel et al., 1993; Drake et al., 1989)

in Figure 2.4. With the exception of the likely coherently-emitting HD 245567, the

VLASS-detected stars follow the! G � 1015•5 � ! R well within error bars, suggesting

the radio emission may indeed have a coronal origin associated with a super�are.

I also include the population ofTESSsuper�aring stars that were not detected in

VLASS in this plot, using10% of the peak luminosity of the brightest �are from

each star as! G and using the required detection luminosity described in Section

2.5 as! R. Interestingly, these values are also consistent with the GBR. This might

suggest that should a radio burst associated with a super�are occur on any of the

stars in theTESSsample, it would have been detectable in VLASS.

In this context, it is worthwhile again to single out the coherently-emitting HD 245567.

Because its emission is unambiguously coherent, we should not expect its radio burst
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Figure 2.4: Estimated! X plotted against! R for the six VLASS-detected super�aring
stars as well as three other populations of stars. The extent of the vertical error bars
represent the peak luminosity for the brightest and dimmest �ares of the star and
the horizontal error bars are calculated from the noise in the CIRADA frame. The
minimum required radio luminosity for a4f detection vs. the estimated X-ray
luminosity for each of the 144 otherTESSsuper�aring stars are also included as
points. The extent of the GBR from Gudel et al. (1993) is shown in red and the
relation from Benz and Guedel (1994) is shown in blue.

luminosity to be correlated with �are luminosity in the GBR framework. Although

it is marginally outside the error range of the Benz and Guedel (1994), it is well

within the range of Gudel (1992) and Gudel et al. (1993). It could be entirely

serendipitous that its estimated X-ray luminosity aligns it so well with the GBR.

Alternatively, there have been reports of coherent radio emission�albeit at much

lower frequencies�following the GBR (Vedantham et al., 2022). It is also worth

emphasizing again the likely high errors associated with my �are luminosity cal-

culation given that we do not actually know the temperature of the �ares. Without

better constraints on the �are properties or contemporaneous observations of this

emission in the radio and X-ray, discussion of what this means for the underlying

physics responsible for the empirically-derived GBR is outside of the scope of this

work.



44

Flare Energy

We see that some �are-related phenomena are more likely to occur on the Sun if

certain thresholds are exceeded; for instance, Yashiro et al. (2006) report essentially

a one-to-one correlation between solar �are energies higher than1030 erg and the

occurrence of a CME. This prompts me to investigate whether the the VLASS-

detected stars are exceptional in this respect. The �are energy is plotted against the

peak luminosity of the �are in Figure 2.5 for all �ares we identi�ed inTESS.

If we consider the median �are energy for each star, then the VLASS-identi�ed stars

do not seem extraordinary; they lie on either side of the median value of the median

�are energy for allTESSsuper�aring stars. However, all of the stars detected in

VLASS, except for HD 22213, had maximum �are energies higher than the median

value for maximum �are energy for the entireTESSsuper�are star sample. This

might suggest then that radio bursts detectable by VLASS occur preferentially on

stars that can produce more energetic �ares. By extension, it may be that such bursts

are only detectable in VLASS when they are associated with the most energetic

�ares. This is consistent with the idea that the radio emission is associated with

super�ares, but the part of the �are luminosity function sampled by VLASS is

di�erent from what is sampled by TESS.

Flare Rate

If the radio emission from these stars is associated with a super�are then it would

make sense that the more time the star spends �aring, the more likely we would be

to detect it in VLASS (assuming VLASS andTESSprobe the same part of the �are

luminosity function). The �are rates for the 150 stars with super�ares inTESSare

calculated using the method described in Appendix A.2 and the median �are rate,

as well as the �are rates for the six VLASS-detected stars, are reported in Table

2.1. All of the VLASS-detected stars have �are rates above the median value of the

150-star sample, consistent with the idea that VLASS may have been able to detect

radio emission from them simply because they were �aring more often and thus that

the radio emission is �are-related. It is interesting to note that the VLASS-detected

star with the lowest �are rate is HD 245567 which, as described in Section 2.5, could

be producing radio emission through a mechanism other than �ares.

Although the VLASS-detected stars �are more than the typical star in the sample,

we have already brie�y discussed in Section 2.5 how unlikely it is for a �are from

one of the VLASS-detected stars to occur during a VLASS observation. To further
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Figure 2.5: The bolometric energy plotted against the peak luminosity for each �are
we identi�ed in TESSlight curves (blue circles). We also include the median �are
(red) value and maximum �are values (black) for each star. Histograms for all �ares,
median �are per star, and peak �are per star are provided in the top and right panels
of the �gure in the same colors, and the median values are indicated by dashed lines
in their respective colors. The max (circles) and median (triangles) �are values for
each of the six VLASS-detected stars are also plotted.

consider the role of �are rate in detectability of stars in VLASS, let us consider the

VLASS-detected star with the highest �are rate, HD 156097 at 246 �ares per year

and an average �are duration of 2,492 s. Using these values in equation 2.2, this

makes the probability of seeing it in# epoch= 1epoch 0.019, and the probability of

seeing it in at least one of# epoch= 2 epochs is 0.038. Conversely, the probability of

seeing the median star �are during at least one of two VLASS epochs is only 0.006.

Because of this, the exceptionally low probability of observing a �are during any

single VLASS epoch may be su�cient to explain why only six super�aring stars

were observed in VLASS.

Although the VLASS-detected stars were more likely to be �aring during a VLASS

observation, the probability of making a radio detection of even our most frequently-

�aring star is low. The question then is how this probability compares to the
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probability of making a radio detection of a star independent of �are rates. Because

the VLASS exposures are so brief and infrequent for any individual source, it is

di�cult to derive a meaningful radio burst rate for a speci�c star. Instead, let us

consider the ensemble radio burst rate of super-�aring stars observed inTESS, 5burst.

This is given as:

5burst =
# burst

#¢ � Cepoch� # epoch
»burst� star� 1 � s� 1¼ (2.3)

where # burst = 8 is the total number of radio bursts found (assuming all radio

detections are a burst rather than quiescent emission),#¢ = 150 is the number

of TESSsuper-�aring stars we looked for radio emission from,Cepoch = 5s is the

exposure time for each star per VLASS epoch, and# epoch = 2 is the number of

VLASS epochs we searched for emission.

Because we do not know the duration of the bursts, we assume that the duration

is the same asCepoch so that we can use5burst in place of 5� in equation 2.1. The

probability of any super-�aring star being detected in a single epoch is then 0.026,

and of being detected in at least one of# epoch = 2 epochs is 0.052. Alternatively,

if we acknowledge that the HD 245567 detection is coherent emission possibly not

associated with a �are, and that at least one detection of HD 295290 and of AT Col

may be attributed to quiescent emission, then# burst = 5 and the probability of

detecting a burst in a single epoch is%burst = 0•017. This is relatively consistent

with the probability of detecting a �are from HD 156097 and may indicate that these

bursts are indeed associated with super�ares.

2.6 Conclusion

In this work, I used catalogs of �aring, solar-type stars from the �rst year ofTESS

data by Tu et al. (2020) and Doyle et al. (2020) to act as a sample to look for

associated radio emission from VLASS epochs 1 and 2. Of the 150 single stars

from these catalogs that were covered in a VLASS �eld, six were found to have

radio emission, two of which had radio emission present in multiple epochs. Given

the luminosities of the �ares from each star and the sensitivity of VLASS, I �nd

that the detectability of radio emission from the rest of the super�are sample likely

is not dependent on the required radio luminosity of a burst from a given star�any

star capable of producing its respective super�are should be capable of producing

the associated radio luminosity. Instead, likely what limited the number of radio

detections was the low observing cadence of VLASS, with stars that �are more

frequently and to a higher energy being preferentially detected in VLASS. This
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dependence on �are rate and energy, as well as apparent an adherence to the GBR

by the VLASS-detected stars, suggests that these radio bursts are likely associated

with super�ares.

There were three VLASS-detected stars that stood out: HD 245567, which had a

circular polarization fraction indicative of a coherent emission mechanism; AT Col,

which was detected in both epochs and exhibited polarization in one of the epochs;

and HD 295290, which was detected in both VLASS epochs systematically searched

here in addition to epoch 3 which was incomplete at the time of this work. The

coherent emission from HD 245567 is likely ECME, which would imply a magnetic

�eld strength of ¦ 1300G. The fact that this emission places it along the GBR

highlights the necessity for simultaneous radio, optical, and X-ray observations of

the star in order to understand both the nature of the emission and the GBR.

It is unclear whether all of the VLASS detections of AT Col and HD 295290 are

burst related. The high radio luminosities (¡ 10� the brightest solar radio burst)

may suggest that each detection is associated with impulsive magnetic activity

such as a �are in spite of the low probability of a �are occurring during two (and

especially three) VLASS epochs. Although this emission is a factor of ten brighter

than the brightest solarbursts, it is also only 10s-100s times brighter than the

quiescentemission from active solar-type stars (Gudel et al., 1994). Additionally,

although the radio luminosities associated with their weakest detections are the

same order of magnitude as those of the stars detected in only a single VLASS

epoch, which might then imply that all of the emission observed in VLASS are

transient in nature, they are also the weakest of the VLASS detections. That said,

for the emission from these stars to be explained by traditional quiescent emission

in the stellar activity paradigm, the emission would either need to consistently exist

at the brightness temperature threshold of gyrosynchrotron or else extend to tens

of stellar radii; neither explanation is consistent with other radio observations of

solar-type stars. Follow-up observations of HD 295290 and AT Col in the 2-4 GHz

range are needed to both identify the baseline �ux density of these sources and

the time and spectral structure of any potential bursts in order to conclude whether

all of their radio emissions are indeed associated with bursts or if they represent

some of the most extraordinary quiescent emission observed from solar-type stars.

These radio observations would bene�t greatly from simultaneous observations in

the optical or higher-energy part of the spectrum in order to identify and characterize

potentially-associated �ares.
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The highly-polarized emission from the TTS HD 245567 is the only emission we can

de�nitively say is not incoherent due to its high circular polarization and was very

likely ECME. We see such emission from the Sun during extreme solar bursts as well

as sometimes as type IV bursts. However, we also see it from Jupiter and ultra-cool

dwarfs due to rotational modulation of a large-scale current sheet, and, in Jupiter's

case, due to modulation from Io. There have been previous reports of ECME from

TTSs, but the engine for the emission has not been classi�ed; the emission from

HD 245567 presented here could either be the stellar analog of the most extreme

solar radio bursts or could represent a process that has never been identi�ed for

this spectral type. To address this question of HD 245567's emission engine, I

have received 60 hr on the VLA in the S-band�the same band as VLASS�to be

completed in the 2025B observing semester plus 20 hr for another TTS that has

ECME identi�ed by Pritchard et al. (2021) but exhibits no �ares. Such a substantial

amount of time will be critical for sampling the rotational phase of these stars in

order to identify possible rotational modulation of the emission. These observations

will happen concurrently withTESSobservations of the star and, weather permitting,

observations with the ground-based, optical photometry instrument that I designed

and built (described in Chapter 4). This will be critical for identifying the role�if

any�of �ares in the emission process.

It is also worth emphasizing that this work was fairly narrow in scope�simply

a search for radio emission from fast-rotating, solar-type stars that were knowna

priori to produce super�ares from only the �rst year ofTESSoperations. But as

mentioned in the preceding paragraph, there are even exceptionally young stars that

produce radio emission without showing �are activity. Although having dedicated

monitoring of stars across the spectrum would be ideal for determining emission

processes, understanding the full scope of radio emission produced by solar-type

stars across various ages would bene�t greatly from not biasing the search by the

activity level identi�ed in the optical and, of course, expanding the area of sky

that we search for radio emission. To this end, I have begun the expansion of this

search to all solar-type stars in a VLASS �eld with aTESSand/orKepler light

curve, irrespective of �are activity. This search will also be expanded to RACS data

which both has signi�cant overlap with the sky observed by VLASS and �lls the

frequency range from� 0•9�2 GHz, which poses the opportunity to better constrain

the emission processes of stars that are detected in both surveys.

This work demonstrates the power of VLASS to identify active solar-type stars.
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It also exempli�es the necessity of dedicated and multi-wavelength campaigns of

such stars in order to clearly associate super�ares with radio bursts. Having both

time series and higher spectral resolution of bursts from the stars presented here

would provide the opportunity to distinguish the emission mechanism as well as

possibly derive information on the electron population responsible for the emission.

While priority for dedicated follow-up should be given to the six stars identi�ed

to have transient radio emission, the sensitivity of VLASS does not seem to be

a limiting factor to detectability and I suspect that any of the super-�aring stars

investigated in this work would produce a detectable radio burst if enough time

were dedicated to accommodate the unpredictability of �are occurrence. Study-

ing the larger super�are star sample�in addition to stars that may not show �are

activity�more in-depth across a broader range of frequencies would a�ord us the

ability to constrain the spectral structure and would aid in identifying the relevant

emission process. Although much of the emission I present here could be explained

by a high-energy, incoherent process like synchrotron, a coherent process cannot

be e�ectively ruled out. In this respect, multi-wavelength observations in,e.g., the

optical and X-ray are even more critical to understand whether the emission is actu-

ally �are related and how it relates to the GBR and/or the extreme solar radio burst

phenomenon. Generally, a broader-spectrum study of the emission to understand is

critical for constraining the radio emission processes and may prove instrumental

to understanding the particle acceleration process and particle energy distribution

for a population meant to represent the young solar environment. Facilitating the

necessary coordination of radio and optical monitoring of solar-type stars that this

chapter highlighted is explored in the following chapters.
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C h a p t e r 3

SWAYS IN THE RADIO: LEVERAGING MULTIPLE DATA
PRODUCTS OF THE OVRO-LWA FOR STELLAR BURST

SEARCHES

3.1 Introduction

With the advent of more sensitive instrumentation across all wavelengths, the study

of space weather in extra-solar systems has seen signi�cant growth in the past

decade, both in the observational (Crosley and Osten, 2018b; MacGregor et al.,

2020; Zic et al., 2020; Veronig et al., 2021; Burton et al., 2022; Namekata et al.,

2021; Namekata et al., 2022a; Namizaki et al., 2023; Namekata et al., 2024a) and

theoretical (Fionnagáin et al., 2022; Alvarado-Gómez et al., 2022a; Kavanagh et al.,

2022; Farrish and Garcia-Sage, 2023; Xu et al., 2024a) realms. There has been

especially growing focus on low-frequency (LF) radio observations. This is driven

largely by 1.) solar type II bursts' association with CMEs (e.g., Lawrance et al.,

2024), 2.) SEP events' association with type III bursts during strong �ares (Cane and

Erickson, 2005; Du�n et al., 2015), and 3.) the dependence these two burst types

have on the plasma properties of the solar corona and inter-planetary medium. As

suggested in the latter point, type II and III bursts could serve not only as indicators

of non-thermal particle acceleration but also give crucial information on the plasma

pro�le of the stars for which such bursts occur, a detail which is poorly constrained

in current stellar wind models.

However, despite the important diagnostic and predictive role LF radio plays in

solar space-weather, no de�nitive stellar equivalent of a type II or III burst has ever

been reported (Osten and Bastian, 2006; Crosley and Osten, 2018b; Villadsen and

Hallinan, 2019; Mohan et al., 2024b). A possible reason for this is that late-type M-

dwarfs have traditionally been the focus of targeted, multi-wavelength observations

of �ares and associated space weather (Crosley and Osten, 2018a; Zic et al., 2020;

MacGregor et al., 2021; Zhang et al., 2023; Tristan et al., 2023; Mohan et al.,

2024b). This attention has been owed in large part to the high activity levels of

such stars driven by kG-scale �elds and an observational bias towards being able to

detect signs of transient magnetic activity from small, cool stars as opposed to larger,

hotter stars. However, the disparity in how M-dwarfs and solar-type stars generate
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their magnetic �elds, the di�ering morphologies of these �elds, and the orders-of-

magnitude di�erence in the ambient magnetic �eld strengths likely have important

impacts on both stellar wind and transient particle properties. Speci�cally, stronger

�elds extend the closed-�eld region to much larger distances and, by extension, much

lower plasma densities. Thus, the plasma emission�with emission frequency that

scales with the square-root of the plasma density�may not be observable below

the Earth's ionospheric cuto� frequency. The strong �elds also increase the Alfvén

speed. This makes it more di�cult to drive the shocks that are thought necessary

to produce type II bursts (Villadsen and Hallinan, 2019; Mullan and Paudel, 2019).

Additionally, strong, over-lying �elds may contain stellar CMEs from M-dwarfs such

that one might only escape from the stellar corona under exceptional circumstances

(Alvarado-Gómez et al., 2022a). This is to say that fully-convective stars should not

be expected to exhibit the same transient particle properties and associated emission

as the Sun.

Instrument limitations likely also are responsible for a lack of detections. Namely, the

inadequate sensitivity at low frequencies as well as a lack of coordinated observations

with other parts of the EM spectrum make it di�cult to look for stellar analogs of

solar radio emission and properly attribute the emission to magnetic-reconnection

processes. Both of these issues have seen some resolution recently with high-

sensitivity, LF surveys like the Low Frequency Array (LOFAR) Two-Metre Sky

Survey (LoTSS) (Shimwell et al., 2019; Callingham et al., 2021; Yiu et al., 2024) as

well as surveys from the Australian Square Kilometer Array Path�nder (ASKAP)

like the Variable and Slow Transient (VAST) Survey (Murphy et al., 2013) and Rapid

ASKAP Continuum Survey (RACS) (McConnell et al., 2020; Pritchard et al., 2021;

Pritchard et al., 2024). Surveys at other parts of the spectrum like the Transiting

Exoplanet Survey Satellite (TESS, Ricker et al., 2014) have also made it easier to

accomplish simultaneous, multi-wavelength observations of stellar activity in the

radio (Zic et al., 2020; Rigney et al., 2022; Wang et al., 2024). Although there has

been movement towards meeting the requirements to unambiguously detect stellar

type II and III bursts, with surveys being pivotal in our understanding of stellar

radio emission and particle acceleration, the low duty cycle nature of radio surveys

compared to dedicated monitoring makes it more di�cult to observe phenomena

that are transient in nature; there are few multi-wavelength monitoring programs of

solar-type stars that include LF radio.

The OVRO-LWA is a recently-upgraded, low-frequency-radio observatory in North
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Figure 3.1: A small fraction of the OVRO-LWA antennas.

America (Hallinan et al. in prep, see Figure 3.1). The instrument was inspired by

the cross-dipole �fork" design made in collaboration with the United States Naval

Research Laboratory for the University of New Mexico (UNM) LWA (Ellingson

et al., 2009). It is capable of continuously producing 10 s snapshot images of the

entire sky with 24 kHz spectral resolution in the 13-86 MHz range simultaneously

with ms-resolution beamformed observations and other data-recording methods.

Although the OVRO-LWA facilitates operations for many science cases, many of

its performance requirements were driven by the goal of studying exo-solar systems

through exoplanet searches and detecting stellar type II and III bursts. To this end,

it has infrastructure dedicated to carrying out nightly monitoring of speci�c stars in

addition to an observing mode well suited for general-purpose transient searches,

including stellar radio bursts. Here, I discuss the operations and performance

of the OVRO-LWA with respect to the SWAYS monitoring program, which will

utilize the imaging and beamformed data products. I provide results of my e�orts

in commissioning the beam-formed observing mode as it informs how I use the

beamformer for my science, and evaluate the potential of detecting type III bursts

from the six stars of the main SWAYS sample, listed in Table 3.2, based on the

results of a 1 hr observation ofc1 UMa (pi UMa).
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3.2 Design and Operations

The OVRO-LWA consists of 352 cross-polarization dipoles for a total of 704 signal

paths. The array was constructed in three stages: stage I was completed in 2014

and consisted of 251 dipole antennas contained within a 0.2 km diameter; stage II

introduced an additional 32 antennas and extended the maximum baseline to 1.5 km

(Anderson, 2019; Eastwood, 2019). The recently completed stage III includes 243

core antennas contained within 0.2 km and 109 outrigger antennas that provide a

maximum baseline of 2.4 km. This �nal stage also includes upgraded analog and

digital electronics. Analog electronic upgrades include custom optical �ber link

boards for transport of signals via radio frequency over �ber (RFOF), as well as a

new generation of receiver board with much improved resilience to intermodulation

products, improved signal path isolation (80 dB) via shield cans on each signal path

and greatly improved re�ection coe�cients to minimize bandpass ripple. The digital

backend was also completely replaced and now facilitates several simultaneous

observing modes including full cross-correlation data (704 inputs) at 10 s time

resolution and 1% of baselines at 100 ms time resolution, 12 independent total-

power beams at 1 ms time resolution, two voltage beams, and voltage bu�ers.

Here, I focus on the targeted-search capabilities of the OVRO-LWA as they relate

to SWAYS; the two observing modes relevant for this work are the 10 s, full-array

cross-correlated mode (slow visibilities) for burst-identi�cation and the full-power

beams (beamforming) for burst characterization. The full description of these modes

will be provided in OVRO-LWA papers that are currently in preparation. I should

note that I primarily focus on the observing and analysis method for type III bursts for

this discussion. This is because the duration of the two burst types�tens of minutes

compared to 10s of seconds for type II and III bursts respectively�pose very

di�erent problem spaces. While a type II burst may persist for many integrations in

slow visibilities, a type III burst may only be detectable for a single integration. This

makes the room for error for burst identi�cation small and also removes the means

for spectral analysis in slow visibilities�type III bursts represent the more di�cult

burst to detect and characterize, burst luminosities aside. The parameter space of

solar type III bursts and statistics for brightness are also much better constrained

than for type II bursts; it is much easier to make predictions for type III detectability.

Slow Visibilities and Burst Detectability

As mentioned, the slow visibilities (hereafter slow vis) are the cross-correlated data

from the OVRO-LWA with 10 s time resolution and a native spectral resolution
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of 24 kHz. The nature of the array allows for all-sky imaging via this observing

mode with� 50 spatial resolution at our highest frequency of 86.87 MHz. When

integrated over the full band, a single 10 s snapshot has a theoretical Stokes I (total

intensity) thermal noise limit off I � 150mJy, which may be elevated by confusion

noise. This sensitivity, coupled with the capability of mitigating the e�ects of

bright astrophysical sources via peeling (Noordam, 2004; Eastwood, 2017), control

the beam shape via weights and tapering (Briggs, 1995; Taylor et al., 1999), and

to more easily identify radio-frequency interference (RFI) sources in image space

makes the slow-vis observing mode the preferred mode for searching for stellar radio

burst candidates.

The coarse time resolution of the slow-vis observing means that, assuming that

stellar type III bursts have structures very similar to the solar form, type III bursts

are unlikely to be temporally resolved and we should not expect to be able to observe

their spectral sweep, irrespective of the array sensitivity. Because I likely will not

be able to resolve the spectral structure of the burst, I can integrate in frequency

to take advantage of the increase in sensitivity it a�ords. The data to search for a

type III burst would then be a light curve extracted from the location of the star,

where a burst signature would appear as a single¡ 5f I ¦ 750mJy point in a

light curve that is otherwise noise centered at 0 mJy for an adequately-subtracted

sky. The frequency-integrated, slow-vis images can then be checked to con�rm the

emission is associated with a point source coincident with the location of the star.

Although we cannot resolve type III bursts in this discovery space, we do have the

time resolution to resolve them in beamformed data; after verifying the signal in the

slow-vis data, I can then use the beamformed data in that time frame to do a burst

structure analysis as described in Section 3.2.

It is worth acknowledging that at this sensitivity, the �ux density of the burst scaled

to a distance of 1 AU would be3•19 � 1010 32
pc Jy where3pc is the distance of the

star in parsec. For the closest star of my sample,n Eri at a distance of 3.21 pc, we

would then require a burst equivalent to a3•27 � 1011 Jy burst from the Sun. This

is considered bright for solar type III bursts at the frequencies that the OVRO-LWA

operates at (Saint-Hilaire et al., 2013; Krupar et al., 2024), but it is not unreasonable

to expect that active stars might produce bursts that are signi�cantly brighter than

what we observe from the Sun and do so frequently, especially since solar radio

burst occurrence is highly correlated with the solar activity cycle (Saint-Hilaire

et al., 2013).
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We can additionally estimate how many bursts we might expect to be able to detect

with the OVRO-LWA by considering the solar type III burst rates provided by Saint-

Hilaire et al., 2013 from data collected by the Nançay Radioheliograph (NRH)

(Kerdraon and Delouis, 1997):

3#
3( a

= 27•7 ( � 1•66
a day� 1 (3.1)

# ¹¡ ( aº = 51•63( � 0•69
a day� 1• (3.2)

Here,# is the number of bursts per day with a given �ux density( a. It is important

to note that the coe�cients and exponents in the equations were derived from bursts

detected at 150 MHz with a 10 s integration time, even though the bursts themselves

sweep through the NRH's band in� 1B(Alvarez and Haddock, 1973; Reid and

Ratcli�e, 2014; Vedantham, 2020); some of the burst's �ux is being integrated out.

Vedantham (2020) adapted the prior equation into the following to represent the

number of bursts as a function of the distance of the star and the bursts' �ux density:

# ¹( mJyº = 0•173� 1•38
pc ( � 0•69

mJy day� 1 (10 s integration) (3.3)

# ¹( mJyº = 0•833� 1•38
pc ( � 0•69

mJy day� 1 (1 s integration)• (3.4)

The larger coe�cient for equation 3.4 accounts for the fact that bursts only last

for � 1s in the LOFAR High-band array (HBA) band (110-250 MHz). In the

OVRO-LWA's band though, bursts last� 10s�I can integrate for longer without

the risk of integrating out the burst's �ux. As such, I assume equation 3.4 to

be more representative of the rate for the OVRO-LWA than 3.3. Then, plugging

5 f 10s � 750mJy for ( mJy in equation 3.4 gives the estimated detectable burst rate

for the OVRO-LWA as a function of the distance of the star:

# ¹5 f 10sº = 0•008863� 1•38
pc day� 1• (3.5)

For n Eri, this amounts to a detection rate of one every� 578d. Of course, this is

using 1.) solar statistics and 2.) �ux density estimates from higher frequencies. The

association between type III burst and both �ares and activity cycles�as well as

the likelihood that the more energetic stellar �ares would be capable of producing

brighter bursts�make this burst rate an underestimate. For instance, although the

Sun may only produce a �are with energy on the order of1034 erg once per century

(Vasilyev et al., 2024), EK Draconis produces one about once per week (Namekata



57

Table 3.1: Radio detection expectations for the six main stars apart of the SWAYS
sample. 5b is the lower limit for the expected type III burst rate as estimated by
equation 3.5, and( a–1s–1AU is the �ux density that a5f detection of a burst would
appear at the distance of the Sun in solar-�ux units (SFU= 104 Jy). Following
the discussion in Section 3.2, it is entirely likely that the burst rates could be
underestimates by as low as a factor of 5 (accounting �ux density di�erences between
50 MHz and 150 MHz) and several thousand (accounting for �are rate di�erences
between the Sun and highly-active stars).

Star RA Dec 3 ( a–1s–1AU 5b
[� ] [ � ] [pc] [SFU] [d� 1]

n Eri 53.23 -9.46 3.21 3•3 � 107 1.7e-3
j 1 Ori 88.59 +20.28 8.66 2•4 � 108 4.4e-4
^1 Ceti 49.84 +3.37 9.14 2•7 � 108 4.1e-4
c1 UMa 129.80 +65.02 14.4 6•6 � 108 2.2e-4
EK Dra 219.75 +64.29 34.43•8 � 109 6.5e-5
V889 Her 278.58 +18.69 35.64•0 � 109 6.2e-5

et al., 2021); this might then suggest that the equation could underestimate the

type III burst rate of EK Draconis by a factor of several 1000s. Also, type III bursts

are brighter at lower frequencies, further exacerbating the under estimation. As

such, the burst rates for the SWAYS sample listed in Table 3.2 should be treated as

lower limits.

While type II bursts may not be as high of intensity as type III bursts, they last much

longer at a given frequency and drift through the OVRO-LWA band much slower

due to its accelerator (i.e., a CME shock) moving much slower than the type III

accelerator. This a�ords me the option of integrating in time as well as frequency

to increase sensitivity. Integrating up to 10 min would provide5f I � 65mJy, or the

equivalent of a2•83� 1010 Jy burst from the Sun at the distance of eps Eri. This is

again bright (although not unheard of) by solar standards. This also assumes that

the star can accelerate a super-Alfvénic shock within a region where the plasma

density is conducive for observing plasma emission with the OVRO-LWA (=4� �

106 � 108 cm� 3). Although the Alfvén speed should be higher for these young stars

with magnetic �elds that are stronger than the Sun's, it should not be unreasonable to

expect stars with much stronger �ares�associated with highermagneticpotential

energy�to also generally have faster CMEs, which are associated with higher

kineticenergy. Such an expectation is supported by work by Mohan et al. (2024a),

who show that the solar CME radio power are correlated with higher �are X-ray

luminosity.
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Beamforming

The beamforming mode refers to a power beam; the antennas are weighted based

on their position such that when the powers are summed, the array is sensitive to

a speci�ed direction. The resulting data product is a dynamic spectrum�the array

power as a function of time and frequency. As the data recorder operates currently,

there is limited control for shaping the beam; speci�ed antennas can be �agged

such that a maximum baseline can be enforced, but baseline-based weighting is

not currently possible. Because of this, the incoherently-summed beam shape is

complicated when outrigger antennas are included. This is evidenced from drift

scans of Cassiopeia A (Cas A), shown in Figure 3.2. For this drift-scan test, I

coordinated four beams to record data simultaneously; two beams were calibrated to

include contributions from the entire array and two were calibrated to only include

the array's core. For each set of calibrations, one of the two beams was tracking

Cas A and the other was pointed at the azimuth and elevation that Cas A would be

transiting, timed to be half-way through the two-hour observation. The ratio of the

stationary and tracking beam then roughly maps the shape of the beam. The beam

for the full array shows an underlying Gaussian structure consistent with the shape

expected for the core, but it also shows a secondary structure with a full-width half-

maximum (FWHM) consistent with the resolution of the full array; the core-only

beam is a well-behaved Gaussian structure as expected. For this reason of complex

beam structure, outriggers are often excluded from beamformed observations and are

excluded from analyses presented here. That said, it is worth noting that even when

Cas A is well beyond the primary beam, we can tell it still contributes signi�cantly

to the integrated signal of the beam because the e�ect of scintillation is still apparent

even when the tracking beams is¡ 10� from the stationary beam.

The nature of beamforming is such that recorded power includes contribution from

sidelobes, which are sensitive to the sky rather than the source. In principle, a

second beam could act as an �OFF beam" and be pointed su�ciently far away that

the target of interest is not in the beam, while still close enough that the beams can

be considered to be observing essentially the same sky. The OFF beam can then be

used to subtract the sky from the �ON beam" that is pointed at the science target.

In practice, the FWHM of the core beam is several degrees; an OFF beam being far

enough to avoid the main lobe of the ON beam would be in a fairly di�erent piece

of sky. Similarly, horizon RFI may be in the null of one beam but in the sidelobe of

another which can lead to signi�cant disparities in the RFI environment observed by

each beam. The results of extreme disparities between two beams are shown in the
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Figure 3.2: The Cas A drift scan for the full array (top panel) and for the core only
(bottom panel). The structure of the core-only beam is clearly re�ected in the full-
array beam, but the full-array beam normalization is dominated by structure from
including outriggers. Wispy structures throughout the observation can be attributed
to scintillation of Cas A.

ON-OFF beam tests presented in Figure 3.3, where an OFF beam was tracking the

sky� 5� from a star I was tracking with the ON beam for two di�erent observations.

This �gure shows the percent di�erence of the OFF-beam �ux density from that

of the ON beam; the observing conditions of a highly-disturbed ionosphere�like

the top panel shows�or that of a high-RFI environment�like shown in the bottom

panel�make the ON-OFF scheme unreliable for background subtraction.

Alternatively, the slow-vis data can be combined to give the equivalent of the

beamformed data which can then be used to estimate the sky and RFI to subtract

from the beam. The caveat is that the native time resolution of the beamformed

data can be set between0•001� 1s� this is 10 � 10–000� the time resolution of

the slow-vis data. Instead, in the work I present here, I perform RFI �agging on a

per-channel and per-time-interval basis. This is followed by applying a median �lter

to the power-beam time series on a per-channel basis in order to estimate the sky

background. More details on this process are provided in Section 3.3.

Because the beam does not retain spatial information, it is harder to systematically
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Figure 3.3: The ON-OFF beam test using one hour of data from SWAYS observations
in January (top panel) and March (bottom panel) of 2024. The highly variable
structure below� 20MHz is largely due to poor calibration solutions for frequencies
so close to the ionospheric cuto�. The January observation shows features with
strong frequency dependence over� 10min timescales, which is likely due to the
ionosphere being highly disturbed. This would then imply that the ionosphere was
much more stable during the March observation such that the beams were seeing
similar ionospheric patches and could thus be subtracted out. The persistence of
various RFI signatures for the March observation however clearly shows that the
ON and OFF beams were seeing di�erent RFI environments.
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�ag RFI than in slow-vis images; in a dynamic spectrum, RFI that is broadband and

impulsive resembles a type III burst in many respects. Because the beamformed

data are a sum of all antennas' powers, it also means that excising RFI requires

�agging data from essentially all signals rather than on a per-antenna basis like

cross-correlated data allows. These �agging and spatial information restrictions in

addition to the sensitivity are the great motivators for using slow-vis data rather than

beamformed data to do initial type III burstidenti�cation. Once a burst is identi�ed

in slow-vis data, the beamformed data�which is collected simultaneously with the

slow-vis data�has the time resolution with which to do burstcharacterization. The

burst itself is not likely to be detectable in any individual dynamic spectrum pixel,

and perhaps is not even detectable without integrating over the entire duration and

spectrum of the burst. However, the power of high-resolution, beamformed dynamic

spectra for type III burst characterization is in its role of removing the frequency

sweep, similar to performing a �de-dispersion" search for pulsars.

For incoherent pulsar de-dispersion searches, various dispersion measures (DMs)

are applied to a dynamic spectrum to essentially straighten the sweep of the pulse

before integrating over frequency. The DM which maximizes the de-dispersed,

integrated signal provides information on the medium the light traveled through and

the distance to the pulsar (Ransom, 2011; Stovall et al., 2015; Bassa et al., 2017).

The physical principles for a type III burst's spectral sweep is di�erent from that of a

a pulsar's pulse, but the principles of the search are the same. Alvarez and Haddock

(1973) describe burst drift rate as a function of frequency in the general form

3a•3C= � 100aU MHz/s. For the Sun observed at frequencies between 75 kHz and

550 MHz, Alvarez and Haddock (1973) estimate0 � � 2 andU � 1•84. The actual

drift rate will depend both on the speedEof the exciting beam (0•12 ® E ® 0•52

where2 is the speed of light (Dulk, 1985)) and the density structure of the stellar

atmosphere. For my search, I can vary the values of0 and U for de-dispersion

to maximize the signal when integrating over frequency. An example of what the

dispersed spectra look like for various values of0 andU as well as the frequency-

averaged light curves are shown in Figure 3.4. As expected, the faster the drift

is, the stronger the frequency-averaged signal is, emphasizing the importance of

de-dispersing before integrating. Similarly, if the integration time is longer than the

duration of the burst as is shown in the middle panels, the intensity of the burst gets

integrated out in addition to the structure of the burst being lost.

Having laid out how the two types of OVRO-LWA data sets will be used in the
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SWAYS program, I will now focus on the performance of these observing modes in

the next section.

3.3 Data Analysis and Performance

The OVRO-LWA has been conducting coordinated observations of stars with Flarescope

since November 2023. This coordination started during the commissioning phase of

the NSF-funded stage III of the OVRO-LWA. A signi�cant improvement in OVRO-

LWA data quality was achieved after February 2024. In this section, I review the data

quality and reduction process for one hour of data from a larger observing campaign

I conducted for pi UMa. pi UMa is one of the furthest stars in the SWAYS sam-

ple and thus demonstrating a performance capable of detecting bursts (and �ares,

as I demonstrate in Chapter 4) from this star bodes well for being able to detect

similar-scale or even weaker events from the other stars of the sample.

Because the goal here is to represent the work�ow and resulting data quality, and

because processing slow visibility data is so computationally expensive, I only focus

on one hour of data rather than the full night or observing campaign. Although

the processing is computationally expensive, it should not hinder future SWAYS

science as the amount of radio data that I will need to process and evaluate is

greatly reduced by using the presence of an optical �are to inform the time frame to

search for associated radio emission. The stability of the OVRO-LWA's performance

as well as data-processing pipeline development will be addressed in forthcoming

OVRO-LWA papers.

The one hour of pi UMa data I evaluate starts at UTC 04:00:00 on April 10, 2024.

This time (21:00 local time) was picked so that the data were representative of a

time when the ionosphere would have had time to stabilize after the sun set and

side-lobe e�ects due to Cas A and Cyg A�which rise later in the night�were

minimal. In this time frame, pi UMa was at an elevation between 58� �62 � from the

OVRO-LWA's location. As such, the e�ects of scintillation, atmospheric extinction,

and beam projection should be relatively low; we should nominally expect this one

hour to be representative of well-behaved observing conditions and some of the

highest quality data that the instruments can produce.

Slow Vis

The output of the slow-vis data recorder is a measurement set (MS), a �le format

used by the Common Astronomy Software Applications (CASA) software (CASA

Team et al., 2022). There is an MS �le for each 10 s integration and for each subband
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Figure 3.4: Synthetic dynamic spectra for type III bursts with various values of0
andU observed at the time and spectral resolution (256 ms, 24 kHz) of the OVRO-
LWA SWAYS beam (top panels) and integrated up to the 10 s time resolution of
slow-vis data (middle panels). The frequency-averaged light curves for the various
beamformed (solid line) and slow-vis (dashed line) dynamic spectra are shown in
the bottom panel. These plots are meant to be representative of only the general
shape of type III bursts and the e�ect of the integration time being larger than the
duration of the event; the intensity of the burst at each pixel in the 256 ms-resolution
data was taken to be1•5� the background intensity at every frequency channel and
is not representative of the actual frequency dependence of burst intensity.
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(192 channels per subband for a total of 16 subbands) for a total of 5744 MS �les

for a one-hour observation. Although there are 16 subbands, here I only focus on

the 10 subbands corresponding to frequencies 41�87 MHz since lower frequencies

are both often more di�cult to calibrate and are not the primary band of interest

for the SWAYS science case. The processing of the slow-vis data to produce a light

curve for pi UMa is done in three broad steps. The �rst is the actual data reduction

and cleaning performed throughCASA, AOFlagger (O�ringa et al., 2012), and, if

necessary, peeling (Eastwood, 2017; Williams et al., 2019); this particular step has

been consolidated into a pipeline by Nikita Kosogorov and will be discussed in more

detail in forthcoming papers. The following steps are imaging the data viawsclean

(O�ringa et al., 2014) and then �nally identifying ionosphere-induced changes to

source position in order to determine the actual location of the star in the image

plane and its associated �ux density.

Calibration and Imaging

The �rst step of reducing the data involves �agging bad antennas. These are identi-

�ed from auto-correlation data in the 30�80 MHz range where the spectrum should

vary smoothly�antennas with anomalous spectral shapes, excessive variability with

time, or with a power that is persistentlyŸ 10%the median antenna power are re-

moved from the MS usingflagdata in CASA. AOFlagger is then run with default

settings to �ag RFI in the dynamic spectra of each baseline. After �agging data,

we generate a sky model based on the known spectra of the brightest sources in the

sky, attenuated by the array-averaged primary beam. For this observation, we used

Cassiopeia A (Cas A) and Cygnus A (Cyg A) from data collected seven hours after

the pi UMa observation. The model spectra of these sources are based on Baars

et al. (1977), with the caveat that Cas A's �ux density has changed due to ongoing

expansion as a supernova remnant. The overall �ux scale is validated through �ux

extraction to con�rm consistency with the model. The models, in the form of a

component list, are added to the model column using theCASAcommandFT. Then,

a bandpass solution is calculated for each antenna; we use baselines greater than

10wavelengths (_) to reduce contamination from di�use sky �ux and baselines less

than150_ to avoid resolving sources that are used for calibration.

After application of this bandpass solution, residual calibration errors are present in

image data for the brightest sources in the sky, limiting the dynamic range. These

typically require an additional step of direction-depedent calibration and source
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removal. To facilitate this, we make use of theTTCALsoftware package developed

for the OVRO-LWA that makes use of StEFCal (Salvini and Wijnholds, 2014;

Eastwood, 2017) to peel bright sources from the data. In the case of the observation

presented in this chapter, only one source was above the horizon and bright enough to

need this. This source was Cas A which, despite being low elevation, still presented

signi�cant direction-dependent e�ects due to the ionosphere and chromaticity in the

antenna beam.

After peeling each time interval and subband, the �nal step is changing the phase

center to pi UMa and imaging with the �nal frequency integration of 46 MHz and

time resolution of 10 s. Because the data have been phase-centered on pi UMa, I

can set our image size to be relatively small so that imaging runs faster�I choose a

region of128� 128pix. Paired with a pixel scale of1•8750, this region corresponds

to a FOV of 4� � 4� . I use a gain of 0.85, Briggs robust weighting of 0, and a

circular Tukey taper with a minimum baseline length of30_ to taper the uv plane

and remove the di�use radio sky. The resulting beam size is� 150� 110. We use the

10 subband MS �les per integration as the input MS �les forwsclean; wsclean

is run separately for each integration. Two resulting images are shown in the right

panels of Figure 3.5.

Source Flux Extraction

Once I have FITS images for all of the time intervals, I can identify sources in the

frame in order to distinguish the e�ects of the ionosphere and determine the true

position of pi UMa in the sky. The apparent source positions can be quite di�erent

to those reported by,e.g., the VLA Low-frequency Sky Survey Redux (VLSSr) cata-

logs (Cohen et al., 2007; Lane et al., 2014) due to path length di�erences introduced

by the ionosphere. These di�erences can manifest as both di�erences in the bulk

ionospheric properties of the di�erent instruments as well as the shorter time-scale

variations of the ionosphere and solar wind (i.e., traveling-ionospheric disturbances

((TIDs), Boyde et al., 2022; Loi et al., 2015) and interplanetary scintillation ((IPS),

Hewish, 1955; Clarke, 1964), respectively), although IPS variability typically hap-

pens on timescales shorter than the time-resolution of slow-vis data. This can make

cross-matching sources that show up in our data with catalogs quite di�cult.

Instead of cross matching sources in a frame with a pre-exisiting catalog, I use

photutil 's DAOStarFinder (Bradley et al., 2024) class to identify sources in each

frame. For this, I use the beam information in the FITS header to build a convolution
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kernel; I use the major-axis FWHM for the FWHM input, the beam major and minor

axes FWHMs to de�ne the ellipticity ratio, and the beam position angle (BPA)

rotated counter-clockwise by90� as the position angle inDAOStarFinder. I look

for sources5f above the median value in the image. Because the ionosphere can

cause extreme position changes on short timescales, I assert that a source found in

one image,( 8
1, is the same source found in the next image,( 80

2 if 1.) ( 80
2 is closer to

( 8
1 than any other( 9

2 source and 2.) the separation between( 8
1 and( 80

2 is less than

0•2� (� 6pix or � 1beam FWHM away). If none of the sources in the second frame

satisfy the conditions of being associated with( 8
1, then the source positions are

compared against the average position of( 8 across the previously evaluated frames

to see if any source is close to the average position. If a source in the second frame

also cannot be cross-matched to any of the average positions of previously-identi�ed

sources then it is considered a new source.

Prioritizing source association based on the locations of the sources in the preceding

frame reduces the likelihood of incorrectly cross-matching sources. Allowing for

subsequent consideration of the position relative to the average source positions

allows for additional �exibility in source association. I con�rm the quality of this

method by looking at each frame by eye�there are no apparent false associations,

and sources that were not identi�ed in every frame were generally excluded because

the source's �ux was below the detection threshold or the source had moved out

of frame. An example of a source being detected in one frame but not another is

exempli�ed by Source 4, indicated by yellow ellipses in the right-hand panels of

Figure 3.5; although there is an integration early in the observation when it is not

detected (top right panel), it is clearly detected in other integrations (bottom right

panel).

There were two source that were detected in all 359 images: VLSSr source

J083745.4+651331 (labeled as Source 1 in Figure 3.5) and VLSSr source J085101.0+634342

(labeled as Source 2) which were on average40(i.e., within half a beam width) from

the positions of the sources as listed in the VLSSr catalog. Conveniently, Source 1 is

also only150 from pi UMa, making it likely that pi UMa and the bright source share

the same isoplanatic patch (Intema et al., 2009). I can therefore assume di�erences

in Source 1's position from its average position are representative of di�erences in

pi UMa's position as well; I calculate the separation and position angle between

Source 1's position in a given frame and its average position and apply these values

to pi UMa's true astronomical coordinates to estimate where it would be on the sky
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Figure 3.5: The separation between the source position and the average position of
the source (left panels) and the corresponding sources in the image plane (right)
indicated by ellipses with colors corresponding to their color in the position-change
plots. Here, `True Source' refers to the average position of a source across the
one-hour observation. The images are centered on the location of pi UMa and the
expected position of pi UMa (based on position changes in Source 1 caused by the
ionosphere) that we use for its �ux density extraction is indicated by the red star.
The source detections in the right panels are indicated by solid-lined ellipses and
the average source positions are indicated by dashed-line ellipses; Source 4 was not
detected in the top frame and so no solid ellipse is indicated for it in that frame.
The timestamps of the images in the right panel correspond to positions of the black
dashed lines in the left panels.
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as observed by the OVRO-LWA. The �ux density for Source 1 and pi UMa are taken

to be the value of the pixel where they are positioned (based onDAOStarFinder

location for Source 1 and the estimation just described for pi UMa). To calculate the

RMS for a given frame, I �rst mask the sources that were identi�ed for that given

frame with elliptical apertures, with the ellipse shape de�ned by beam properties

provided in the image's FITS header. The RMS is then calculated from this masked

image. The �uxes for Source 1 and pi UMa are shown in the top panel of Figure

3.61.

The �ux density for Source 1 is highly variable as a function of time. This source

is a well-known quasar (Véron-Cetty and Véron, 2006) and so we should not ex-

pect variability intrinsic to the source on the timescales that we observe here. To

investigate the cause of Source 1's variability, I also consider how the position of

Source 1 varied with time, shown in the bottom panel of Figure 3.6 for ease of

comparison. What may be immediately apparent is that a sudden or drastic change

in Source 1's �ux density often has a corresponding rapid change in the position of

the source relative to its average position. Because the source position variability is

due to ionospheric e�ects, it is likely that the variability in �ux is similarly due to a

multi-paths e�ect in a turbulent ionosphere, causing scintillation.

This e�ect, while milder, is still somewhat present in the �ux density upper limits at

the location of pi UMa. This is due largely from the fact that it is so near Source 1

that the �ux density recorded at pi UMa's location is impacted by variability in

Source 1. The other detriment of pi UMa's proximity to Source 1 is that its location

often ends up in a region of over-subtraction from the cleaning and de-convolution.

To get around this, we create a 12� 12 pix mask around pi UMa's location and then

re-runtclean in CASA with 10,000 major iterations to create a clean mask that

is saved to the model column. This number of iterations was established through

simple trial and error, with the goal of removing su�cient sky �ux from the dirty

image to ensure that the resulting residual image had a peak pixel value less than

approximately 3 times the RMS near the center of the image. The goal is to remove

the e�ect of source sidelobes rotating through the image and contaminating the

dynamic spectrum at the location of the target. The threshold used is actually very

conservative. Due to the exceptional PSF of the OVRO-LWA, with far sidelobes
1The code I wrote for source identi�cation, association, position correction, and frame statistics

is �exible for any sky images, irrespective of wavelength, so long as they are in FITS format and
have world-coordinate system (WCS) information. The code is available athttps://github.com/
iveydavis/astro_toolbox/blob/main/vis_lc_extraction.py .
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Figure 3.6: Flux density of Source 1 (VLSSr J083745.4+651331) (left axis) and
pi UMa (right axis) is shown in the top panel, with error bars representing3� the
RMS of the image after masking sources. The separation between Source 1 and its
average position as a function of time (same content as top left panel in Figure 3.5)
is shown in the bottom panel. Much of the �ux density variability in Source 1 has
a corresponding variability in its source position, suggesting that the �ux-density
variability is an ionospheric or general plasma density variation that is lensing the
emission from the source.

Ÿ 10� 3 of the peak PSF for a monochromatic snapshot image, simply removing

the bright sources (¡ 100Jy) is su�cient to achieve the desirable outcome. We

note that the subsequent pipeline to be used in upcoming papers now includes

auto-thresholding, calculated for a local RMS in the image.

The results of this cleaning and how it compares to the original peeled image are

shown in the top panels of Figure 3.7. The light curve of pi UMa from both versions

of the data are shown in the bottom panel of that �gure. The RMS of pi UMa's

�ux in the original, peeled images is 1.70 Jy over the 10 s intrinsic integration time

and 41�87 MHz bandwidth; it is 0.96 Jy in the subsequently masked and cleaned

data. Similarly, the median background RMS of the original peeled images (with

detected sources being masked) is 1.27 Jy while it is only 0.74 Jy in the subsequently
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cleaned images. As expected, the �ux density as a function of time is more stable

and the background RMS is generally lower for the additionally-cleaned data. These

results pose an interesting problem for the data reduction pipeline moving forward:

a consistently-detected source near the target star is ideal for knowing where exactly

on the sky the star is, but its presence impedes reliable �ux extraction from the

star's location. The correction of image plane distortion by the ionosphere has been

studied before (Hurley-Walker and Hancock, 2024) and will be the subject of a

forthcoming paper (Huang et al., 2025). That said, I will show in Chapter 5 that

the severity of the ionosphere's e�ects in this observation may not be representative

of the typical observing conditions of the OVRO-LWA; the additional masking

and cleaning steps taken here to reach reasonable noise levels are not likely to be

necessary for most observations.

The measured noise in the image will include both thermal noise and confusion noise,

the latter of which is expected to dominate even for short integrations. To investigate

this, I attempted to quantify the thermal noise in that data and compare that to

the predicted confusion noise. The e�ective area (/ _2) and system temperature

(/ _� 2•55) of the OVRO-LWA varies signi�cantly as a function of wavelength.

Therefore, to provide an approximate estimate of thermal noise across the band,

I analyzed two channels, one near the high frequency end of the used band and

one near the low frequency end. I imaged individual channels in the �rst time

integration of this observation in the 73 MHz and 41 MHz subbands, using the same

tapering, weights, and masking as was used for the data with additional cleaning.

I then subtract adjacent channel images and �nd the RMS of the di�erence of the

images. In the 73 MHz subband, this RMS is16•2Jy (11•5Jy per channel); in

the 41 MHz subband it is 20.1 Jy (14.4 Jy per channel). These per-channel RMS

values approximately corresponds to the thermal noise per channel, as the confusion

noise is mostly removed by the subtraction process. Thermal noise should scale

inversely with the square root of the number of channels. The number of channels

integrated over for this observation was 1920, leading to a thermal noise estimate of

f T � 260mJy in the 73 MHz subband andf T � 320mJy in the 41 MHz subband.

Haarlem et al. (2013) estimate confusion noisef c in their equation 6 as:

f c = 0•03
�

\
100

� 1•54 � a
74MHz

� � 0•7
»mJy beam� 1¼ (3.6)

where\ is the full-width-half-maximum of the beam anda is the frequency. At

74MHz, \ � 42500for the OVRO-LWA, giving us a confusion noise� 340mJy.
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The total noise would then be
q

f 2
T ¸ f 2

c � 430mJy. Noting that confusion noise

is higher at the bottom of the band (f 2 � 1300mJy at 41 MHz, for a total noise of

1340 mJy), the di�erence between the thermal noise �oor and the noise we report for

this observation can largely be attributed to confusion noise with some contribution

from excess thermal noise. There may be additional contribution from side lobe

confusion and imperfect peeling that leaves some contamination from bright sources.

At the 0.74 Jy noise level I report here, a5f detection of a type III burst at the

distance of pi UMa would be the equivalent of a� 3•3� 1013 Jy burst from the Sun�

about two orders of magnitude brighter than the brightest solar burst. Although this

makes the detectable burst rate a factor of 3 times lower than originally estimated, it

may not be unreasonable to expect such large bursts from a star that is also capable of

producing �ares that are orders of magnitude more energetic than the most energetic

observed solar �ares (Landini et al., 1986).

Beamforming

Because sources bright enough for beamformer phase and �ux calibration are rarely

observed simultaneously with the science observations (e.g., Cas A and Cyg A

were exceptionally low or below the horizon for the observation of pi UMa), �ux

calibrations extracted from slow-vis data are applied to the beamformers ahead of

the observation. Di�erent aspects of calibration change on di�erent timescales;

at a minimum, calibration should occur every two weeks. Smaller e�ects�like

the ionospheric e�ects presented in the preceding subsection�occur on shorter

timescales, but we cannot currently account for calibration errors introduced on,e.g.,

1 hr timescales or shorter in the beamformed data. Because of this, and because

there is such a narrow time frame between when the ionosphere stabilizes after

sunset and when nightly observations begin, the �ux calibrations for beamformed

observations for SWAYS science are made from slow-vis data collected a minimum

of one night in advance. For this particular observation, the slow-vis data for the

�ux calibrations were made on April 2. Although the time of these solutions is not

ideal, the calibrations are stable enough over this time range (variable on the order

of a few percent from night to night) for demonstrating the beamformer outputs.

The beamformed observation of pi UMa was conducted at 256 ms time resolu-

tion which would provide more-than-adequate time resolution for a �de-dispersion"

search as described in Section 3.2. As previously justi�ed, I exclude outriggers

for this observation, which leads to a beamwidth¦ 1� ; at this spatial resolution,
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Figure 3.7: The original peeled image (top left) and the image after masking pi UMa
to remove bright sources (top right) for the �rst time integration of the observation.
The location of pi UMa is indicated by the red ellipses representing the beam shape,
which I extracted the �ux density from the center of to produce the light curves
shown in the bottom panel. The light curves for pi UMa from these two versions
of the data show that the �ux from the data with additional cleaning (labeled as
Residual Flux Density and indicated with red error bars) is more consistent through
the observation than the original peeled image (labeled as Original Flux density and
indicated with black error bars). Here, the error bars are3� the RMS measurement
of the respective images. For the Original Flux Density, I mask the identi�ed sources
before calculating the RMS.
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the ionosphere shifting the apparent source position outside of the beam is not a

concern. The cadence for updating the beam pointing was 15 s, which kept the

source well within the primary beam. The dynamic spectrum for this observation is

shown in Figure 3.8.

Before discussing the data reduction for the beamformed observation, there are a

few features worth acknowledging. The �rst is the mild decline in �ux density with

time (� 3% over the course of the hour) despite the fact that pi UMa was setting

and therefore the beam should have been getting bigger and integrating more sky

�ux with time. This is likely due to the local-sidereal-time (LST) dependence of

the system temperature. The decline in �ux for this LST range (9.38 to 10.38 hour

angle) is consistent with previous measurements with the OVRO-LWA (Eastwood

et al., 2019).

Next, the intensity and noise below� 30MHz is anomalously high compared

to sky expectations. This is due to poor calibrations from the slow-vis data at

these frequencies. As such, frequencies below30MHz and above83MHz will

be excluded before moving forward with the rest of the reduction. Additionally,

the bright, broadband emission occurring at� 20min into the observation is a

known source of RFI produced by the Los Angeles Department of Water and Power

(DWP). This signal lasts� 8s and occurs once an hour. Finally, the various

persistent, narrowband emission above� 60MHz are likely associated with digital

television (DTV) emission while the sporadic emission between� 60 � 70MHz

are likely DTV signals re�ected from airplanes. A slowly-varying periodic signal

is also evident from the light curve below the dynamic spectrum in Figure 3.8; the

� 10-minute cadence is consistent with the air conditioning (AC) cycle time. How

these signals are addressed is covered in the next subsection.

RFI Flagging and Background Subtraction

RFI is persistent at certain frequencies in the beamformed data. Rigorous �agging

via masking needs to be applied before additional analysis can be done. This is

done in three steps: I start by �agging bright, persistent, narrowband emission. This

is followed by �agging brief, bright, broadband signals. The �nal �agging step is

�agging individual dynamic-spectrum pixels that are anomalously bright. I go into

more detail on this process here before discussing background subtraction.
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Figure 3.8: The Stokes I dynamic spectrum (top right panel), time-averaged spec-
trum (left panel) and light curve (bottom panel) from the OVRO-LWA beamformed
observation of pi UMa. The increased intensity 20 min into the observation is due
to the DWP signal and the sporadic intensity observed in the dynamic spectrum in
the� 60� 70MHz range is attributed to re�ected DTV.

Narrow-band �agging I start the �agging process with the dynamic spectrum

that has been croppped between30� 83MHz (2216 channels). These data are then

sub-divided into eight, equal subbands of 227 channels. For a given subband, I

calculate the RMS (f spec) and the median value and then go through each channel

in the subband to identify channel �uxes that deviate by¡ 3f specfrom the median.

I �ag these channels in addition to one channel on either side of this channel to

account for possible spectral leakage.

Broadband �agging After individual frequency channels have been �agged, I

take the median value of the dynamic spectrum along the frequency axis to produce

a light curve. I remove slowly-varying emission (e.g., the AC cycle) by taking

a median �lter of the light curve withscipy signal 's medfilt function and a

window size of 233 time intervals (� 1min of data). I then divide the raw light

curve by this median-�ltered light curve to produce a ��attened" and normalized
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light curve. From this normalized light curve, I take the RMSf lc of the curve and

�ag intervals where the signal deviates from 1 by¡ 5f lc. For each interval that was

�agged, I also �ag four intervals (� 1s) on either side

Bright-pixel �agging Finally, to �ag the bright pixels, I again evaluate the data

on a per-subband basis across eight subbands of 227 channels each. I calculate the

RMS f and median value of a given subband and then �ag pixels that deviate by

¡ 4f from the median.

Each of these steps is repeated one more time, with the exception that the �agging

threshold is set to10f lc and themedfilt window size is set to 698 intervals for the

second round of broadband �agging. Flagging removes3•2%of the cropped dataset

(2•3% of the full dynamic spectrum). Between the cropping and �agging,� 30%

of the original data set has been removed. The results of this are shown in the top

panels of Figure 3.9. One result that is immediately apparent from the light curve

shown in the bottom panel of Figure 3.9 is that the scatter reduces signi�cantly after

�agging�from a factor of a few thousand Janskys to a factor of a few hundred.

The majority of the scatter that is left can be attributed to the stray re�ected DTV

signal that was not �agged by this protocol. This �agging method is rudimentary

and could perhaps be improved via,e.g., machine-learning methods, although the

signi�cant variability in how RFI manifests in dynamic spectra makes it di�cult to

develop a robust training set without preservation of antenna or baseline-speci�c

information at the timescale the RFI is occurring.

After �agging data we can then subtract the persistent �background" �ux. I review

multiple background-retrieval methods in Appendix B and conclude that the rolling-

median method is the ideal solution both in terms of the results it produces as well

as the processing time required to run it. For this method, I retrieve the background

�ux by applying a rolling median to the light curve of each individual channel with a

two-minute (469-interval) window. The resulting light curve of each channel is then

shifted back by 235 intervals and the last 235 intervals are �agged (see Appendix B

for details on why). The dynamic spectrum with its background subtracted is shown

in the middle panel of Figure 3.9.

Two details of the observation and �agging method become apparent from this

background-subtracted dynamic spectrum. The �rst is that there is a signi�cant

amount of the re�ected DTV signal�especially at frequencies¦ 65 MHz�that
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Figure 3.9: The �agged Stokes I dynamic spectrum (top right panel) and its cor-
responding time-averaged spectrum (top left panel). The background-subtracted
dynamic spectrum (center right panel) and its time-averaged spectrum (center left)
are also included. The light curves for each of these dynamic spectra are shown in
the bottom panel.

was not �agged. This both increases the scatter across the duration of the spectrum-

averaged light curve as well as produces the bump at around 65 MHz in the panel to

the left of the background-subtracted dynamic spectrum. The second detail is the

time-variable structures which last on the order of� 1min and span a signi�cant

fraction of frequency space. These structures show the emission being stronger and

a longer duration at lower frequencies. This is consistent with scintillation due to

the ionosphere, and it is also responsible for the arcing structure in the background-

subtracted light curve shown in the bottom panel of 3.9. This scintillation e�ect

is prominent when bright sources are in the beam and likely indicates that a bright

source�perhaps Cas A on the horizon or Tau A which was at a similar elevation to

pi UMa during the observation�was contaminating the side lobes.

Overall, the quality of the beamformed data is dominated by 1.) the RFI environ-

ment, over which we have minimal control and 2.) limitations set by the beam

shape. Although the primary beam shape produced by only using core antennas

is primarily Gaussian, the size of the beam and the nature of integrating so much
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of the sky introduces extreme confusion noise. This could perhaps be addressed

by implementing antenna-based weighting that is informed by the uv plane so that

outriggers can be more e�ectively utilized, but this functionality is currently un-

available for the OVRO-LWA beamformer data recorder. An alternative solution is

to use the visibility data to reproduce the beam that can then be used to subtract the

sidelobes and RFI from the beamformed dynamic spectra; the caveat here is that

the time resolution of the slow-vis data is much coarser than the beamformed data.

Otherwise, I could prioritize observing stars that do not have bright sources in the

sky at the time of the observation (which would be similarly bene�cial for the slow-

vis data reduction by way of mitigating the need for peeling), but this then restricts

our ability to produce up-to-date calibration tables for the beams. A re-evaluation of

how beam weights are applied�both in terms of shaping and calibration�is likely

necessary before beamforming can be e�ectively utilized for this science beyond

providing limits.

3.4 Summary

The OVRO-LWA su�ers from standard problems of instrumentation operating at

low frequencies, namely large beam sizes (and corresponding high confusion and

integrated-sky noise), contamination from bright sources (both astronomical and

Earth based), and uncertainty in source position due to the ionosphere. For the slow-

vis data, these issues have complicated the ability to extract �uxes from persistently-

present sources in the �eld, let alone �uxes from the expected pi UMa locations.

My current method for determining a star's position either requires that a bright

source be close enough to the star's location that I can use variations in the source's

position as a proxy for the variation in the star's positionor that there be a su�cient

number of consistently-detected sources that a weighted average of position changes

can be used to estimate the star's location. While this works well for pi UMa which

both has many sources distributed across its �eld and is also exceptionally close to

the brightest source in the �eld, it is not guaranteed for all of the stars in the SWAYS

sample. That said, I will show in Chapter 5 that this particular observation was

apparently done while the ionosphere was especially disturbed; the extreme �ux

and position variability and the rigorous cleaning tasks required to prepare the data

are representative of the worst-case scenario and not of all observations. Moving

forward, the ideal solution may be making a model of the plasma variations as a

function of space and time by taking advantage of a frozen-�ow interpretation of

the ionosphere (Albert et al., 2020; Laundal et al., 2024); using such a model would
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allow estimates of a star's position based on the plasma's dynamics rather than

directly on any source's position, even if the dynamics are derived from a collection

of sources' positions. Because of the importance of accounting for the way the

ionosphere warps the locations and intensities of signals, building a time-dependent

model of the ionosphere to de-warp the sky that the OVRO-LWA observes will be

invaluable to the data-reduction pipeline of visibility data.

In addition to complications in identifying the source position, the RMS background

noise of the radio image data was a factor of a few higher than the thermal noise

�oor, due largely to confusion noise. This signi�cantly alters the estimates for burst

detectability and the rates at which such bursts might occur. That said, those rates

are derived from solar statistics and thus are underestimates. Similarly, given the

extraordinary energies that stellar �ares can reach compared to solar �ares, I have

no reason to believe that stellar analogs of type II and III bursts could not also be

orders of magnitude more intense than solar bursts.

While it is likely still possible to detect candidate bursts with the OVRO-LWA

visibility data, being able to do follow-up burst characterization with the beamformed

data seems less feasible as the system currently operates. The size of the beam

introduces a signi�cant amount of sky noise and the nature of beamformed operations

makes it exceptionally di�cult to �ag RFI, calibrate at the lowest frequencies, and

remove the background. Because of this, the beamformed observing mode is likely

not currently usable for this science case. Getting the data to a more useful quality

would require employing a di�erent antenna weighting scheme that would a�ord

more control of the beam shape as well as possibly introducing an RFI-�agging

scheme to the data before summing. Each of these solutions involves altering the

data recording architecture for the beams which is outside of the scope of this thesis

to investigate further.

In lieu of using the beamformed data or extracting �uxes from the imaged slow-

vis data, we may instead extract dynamic spectra directly from the visibility data,

following the methodology used by Villadsen and Hallinan (2019). This method

bene�ts from operating faster than imaging as well as not relying on the storage

required to do the imaging (and especially the storage required for imaging each time

stamp at all 3072 spectral channels). Before being able to e�ectively use this method,

we still need to understand how the ionosphere has a�ected the source's position

and so imaging would still be required for building the plasma-�ow model. This

model construction will presumably be integrated into the OVRO-LWA reduction
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pipeline and so would not manifest as an additional step in this prospective analysis.

In the case that a candidate burst is identi�ed, the data can be imaged at that

time stamp to more e�ectively rule out possible contamination. The downside to

this is that the slow-vis data likely does not have the time resolution necessary to

resolve the structure of a type III burst and so any burst properties would be much

less constrained than if a burst was detectable in beamformed data. That said, the

extreme environments of young stars may a�ord slower and longer bursts that makes

such a dedispersion search possible, even in slow-vis data. This is explored in more

detail in Chapter 5.

Overall, the low-frequency environment poses interesting challenges for data reduc-

tion and analysis for transient science. Although the slow-vis data may need more

attention than is available in a general reduction pipeline, the quality of the cross-

correlated data should be conducive for doing the stellar space weather science that

I explore in this thesis.
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C h a p t e r 4

SWAYS IN THE OPTICAL: DEVELOPING FLARESCOPE FOR
HIGH-PRECISION PHOTOMETRIC MONITORING

4.1 Introduction

While the di�culty in determining the emission process at low frequencies is in

part due to sensitivity limitations at that part of the spectrum, it is exacerbated

by a lack of coordinated observations at other parts of the spectrum that may

reveal theaccelerationprocess. Although SEPs, CMEs, and their associated low-

frequency radio signatures can occur in the absence of �ares, solar �ares with

energies¦ 1030 erg are essentially guaranteed to produce CMEs (Yashiro et al.,

2006). Similarly, type III bursts are highly associated with solar active regions, with

burst frequency distributions tracking the solar cycle (Saint-Hilaire et al., 2013).

Although other stars are unlikely to have the same �are-energy threshold as the Sun,

the young stars that I am interested in are known to regularly reach �are energies

that are orders of magnitude greater than what we observe for the Sun. Beyond

the power of other parts of the spectrum for identifying and characterizing radio

emission, they are of course also powerful in terms of characterizing the conditions

under which certain emission processes are relevant. With respect to the �are-

energy threshold for CME production, optical photometry is particularly useful as

the white-light (WL) component of �ares is estimated to contain the bulk of the

bolometric energy of the �are (Kretzschmar, 2011). With this in mind, combined

radio and optical detections (or lack there-of) can be used to inform the �are-CME

relation for other stars. The new di�culty, however, is detecting solar-scale �ares

on nearby, solar-type stars.

Solar �ares with a WL component were widely considered rare events until rela-

tively recently (Fang et al., 2013). Despite containing the bulk of the bolometric

�are energy, a combination of a low �lling factor and a relatively low temperature

di�erential between the heated region and the quiet surface (� 6000� 9000K com-

pared to the quiet5800K (Kretzschmar, 2011; Watanabe et al., 2013)) made WL

�ares historically di�cult to detect; a typical luminosity of the WL component is

only 10� 6 � 10� 5 L � and typically only last a few to tens of minutes (Namekata et al.,

2017; Song et al., 2018). A result of this is that solar-type stars have erroneously
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been considered relatively inactive, especially when compared to M-dwarfs which

are both cooler and would have a larger �are �lling fraction. The signi�cance of

the e�ects from the temperature and �lling-factor di�erences is exempli�ed in Fig-

ure 4.1. This shows a 10,000 K �are for an early-type K-dwarf as observed in the

Sloan60 band (400-550 nm) and a �are of the same energy and temperature on an

early-type M-dwarf. The �are appears as a5f detection for the K-dwarf and is a

¡ 100� larger signal for the M-dwarf�exceptional precision is needed to detect

even energetic �ares on solar-type stars.

Space-based, stellar-monitoring missions likeTESSandKepler have been critical

for both achieving the precision and the observing cadence necessary to detect and

resolve �ares from all spectral types. However, the quality of their data products

su�er for stars in the SWAYS sample due to how bright they are; these stars saturate

the detectors for these missions in their standard operating modes. As such, moni-

toring the SWAYS sample in the optical requires a dedicated instrument with high

precision and observing capabilities that prevent detector saturation. With these re-

quirements in mind, I designed Flarescope. This instrument now exists and operates

at Palomar mountain, performing observations of the SWAYS sample simultane-

ously with the OVRO-LWA. In this chapter, I review the design of Flarescope in

Section 4.2, its data reduction process in Section 4.3, and its performance in the

context of accomplishing SWAYS science goals in Section 4.4.

4.2 Design

Flarescope, shown in Figure 4.2, is a 0.5 m aperture telescope on Palomar mountain.

Its initial construction was completed in December 2022, after which it underwent

commissioning and was incorporated into an automated-observing framework be-

fore beginning regular science operations in November 2023. Flarescope's concept

arises directly from the need for a dedicated, optical, monitoring instrument for

identifying the �are counterpart of stellar radio emission observed by the OVRO-

LWA. As such, I use Flarescope to observe stars simultaneously with one of the

OVRO-LWA power beams in addition to the OVRO-LWA all-sky imaging. I have

designed Flarescope's optical train to allow for sub-mmag photometric precision on

the order of 10 min integration times with o�-the-shelf (OTS) equipment. This level

of precision is crucial for detecting �ares on solar-type stars due to the low contrast

between the quiescent photosphere and the �are itself, as I described previously. Be-

cause the sensitivity of the OVRO-LWA leads to prioritizing targets within� 10pc,

my sample of stars are relatively bright (apparent Sloang' magnitude m60 Ÿ 8).
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Figure 4.1: A 10,000 K �are as it appears on an early K-dwarf () e� = 5200,
' = 0•75' � ) and an early M-dwarf () e� = 3500, ' = 0•4 ' � ) when observed in
the Sloan60 band. For this simple representation, I take the �are temperature to
be persistent, leading to an �are energy of� 3 � 1033 erg when integrated over the
light curve. An inset of the light curves is provided to better illustrate the �are on
the K-dwarf. The error bars represent 0.4 mmag precision, which is representative
of the precision that Flarescope can achieve on 5 min timescales.

This made avoiding detector saturation another major design driver. Here, I review

the full design of Flarescope, including repairs that led to substantial improvements

in performance.

Detector

Flarescope's detector is an Andor iXon3 8881 electron-multiplying (EM) charged-

coupling device (CCD) that has been repurposed from its time as a spare camera for

the Caltech HIgh-speed Multi-color CamERA (CHIMERA, Harding et al., 2016)

instrument. This camera is 2048 by 1024 pixels; only 1024 by 1024 of these pixels

are active to support a frame-transfer mode, allowing for simultaneous exposure and

read-out of the preceding exposure. While this allows for higher imaging cadence,

it also determines the minimum exposure time for frames, as it is limited by how

quickly the stored frame can be read out. The detector has an EM-amplifying

mode that can be used to reduce the relative contribution of read noise at the

expense of reducing the dynamic range and introducing excess noise (Hynecek

and Nishiwaki, 2003). Instead, to minimize the impact of read noise, I use the

conventional read-out mode with1� gain (no ampli�cation) and the slowest read-
1https://www.morrellonline.com/uploads/2/7/0/1/27013482/andor_ixon3_

emccd_brochure.pdf
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Figure 4.2: Flarescope as it currently exists at Palomar observatory. Several pieces
of hardware that I describe in Section 4.2 are labeled here.

out rate of 1 MHz, or� 1 frame per second for the 1-Megapixel detector. With a

vertical shift speed of 6̀s, this puts the exposure and kinetic cycle time (KCT) at

1.11 s. A summary of the detector's properties are provided in Table 4.1. The camera

is thermoelectrically cooled to� 20� C for observations; although it can cool down

to � 70� C, the thermalization time is signi�cantly longer for such temperatures

and � 20� C produces® 10 electrons across the entire detector, which I consider

acceptable dark noise.

Optical Tube Assembly

As a small, ground-based telescope looking at bright targets, we should expect

scintillation to dominate the noise budget. For a given star, such noise scales

relative to the star's �ux like:

f ( = 1•5 � 0•09� � 2•3 j 1•75 ¹2Cintº� 1•2 exp¹� � • � 0º (4.1)
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Table 4.1: Details for the Andor iXon3 888 EMCCD used in Flarescope.

Property Value
Dimensions (Active) 1024 px� 1024 px
Pixel size 13� 13` m2

Read noise (1 MHz) 6e�

Full well depth 90,000e�

KCT (1 MHz frame-transfer) 1.11 s
Operating temperature -20� C
Quantum e�ciency (¡ 400nm) ¡ 90%

where� is the diameter of the telescope in cm,Cint is the integration time in seconds,

j is the observing airmass,� is the elevation of the observatory in meters, and� 0

is 8000 m. More details on this can be found in Stefansson et al., 2017 and Osborn

et al., 2015.

For Flarescope's location on Palomar mountain,� = 800m andj varies throughout

the observation. This left� andCint to our discretion. All else held equal, smaller

apertures would mean lower signal-to-noise (SNR) with the bene�ts of allowing

for longer exposure times without saturating the detector as well as providing a

larger �eld of view (FOV) with which to include stars for photometric calibration.

Larger apertures reduce both the scintillation and photon noise, but at the expense

of having a smaller FOV and saturating the detector faster. With this in mind,

we decided on the PlaneWave (PW) Corrected Dall-Kirkham (CDK) 20" (0.508 m)

optical tube assembly (OTA) (hereafter called the CDK20). This aperture has a

smaller FOV and lower expected stellar and scintillation noise than the 17" OTA

also available through PW. Similarly, it has a larger FOV and higher expected stellar

and scintillation noise than the larger, 24" PW OTA aperture.

Having a smaller �eld than the 17" aperture is accommodated by using the PW rota-

tional focuser (IRF90) which allows for use of the detector's diagonal dimension to

maximize allowable distance between the science target and a photometric standard

star. Although the 24" aperture would have 12% lower scintillation noise than the

CDK20, the cost scaled signi�cantly faster than between the 17" and 20" apertures

while still having a smaller FOV than the 20". A summary of the relevant features

of the CDK20 is included in Table 4.2.

The IRF90, mirror temperatures, and backplate temperature are maintained by the

PW Electronic Focuser Accessory (EFA), which is controlled using the PlaneWave

Interface 3 (PWI3) software. The EFA includes both a fan and a dew heater for
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Table 4.2: Details on the observing properties of the CDK20 + Andor iXon3 888
EMCCD system. The range in the maximum distance between the science target
and the photometric companion comes from the di�erence in the size of the PSF for
di�erent di�users (e.g., if the target and companion were separated by17•340 but
with the2� di�user, the stars would extend o� of the detector.

Property Value
E�ective diameter 0.508 m
F# 6.8
Per-mirror throughput 96%
Lens-group throughput 99.5%
Primary-mirror central obstruction 0.39 diameter
Plate scale 0•7200/px
FOV 12•280 � 12•280

Max companion distance 16•250-17•340

maintaining consistent temperatures throughout observations.

Mount

Flarescope's CDK20 OTA is mounted on a PW L500 direct-drive mount (the com-

bined system called CDK500). This mount was designed to maintain0•300(sub-

pixel) RMS tracking over 5 minutes. The mount is nominally alt-az, but has been

installed on an equatorial wedge to remove the need to de-rotate the �eld. Both

of these features should in principle aid in stabilizing the source position on the

detector, which in turn aids in aperture photometry. However, the manufacturer's

mount performance tests were done in the alt-az orientation; we witnessed a marked

degradation in tracking over time that eventually led to complete failure of the

altitude axis of the mount. This failure resulted from the equatorial orientation

applying excess pressure to the coil plate which facilitates the current and associated

�eld for the direct-drive motor control, eventually causing it to short circuit. The

altitude motor was redesigned to better accommodate the equatorial orientation and

the mount motors were fully replaced in August 2023. The mount has maintained

high-quality tracking since these repairs.

The tracking quality prior to and post mount repairs is shown in the panels of Figure

4.3, which shows the position of the star eps Eri across two,� 5hr observations

without guiding. The overall drift in the position of the source across 5 hr is about

� 4� better after the repairs and the general stability is also substantially better; the

median, 5-minute RMS for the source position prior to the repairs was0•600(nearly
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Figure 4.3: Change in eps Eri's position on the detector (red and black dots) and
its elevation (blue line) over the course of �ve-hour-long observations. The top
plot represents an observation prior to mount repairs and the bottom plot is an
observation after mount repairs. The repairs led to substantial improvement in the
tracking quality. Post-repairs, the tracking appears to become increasingly stable
towards the peak of the target's transit.

1 pixel). This was reduced to0•3800after the repairs. This �nal tracking RMS is

still about 0.12 pixel worse worse than the expected tracking quality reported by

PlaneWave, although it is worth noting that weather conditions can also impact the

tracking quality. I also note that the rate of change of the tracking quality reaches

a minimum at� 3hr into the observation, which is aligned with the time when the

target is near its transit peak. This may suggest that the tracking quality may also be

a function of pointing elevation or, alternatively, a function of the rate in change of

the target's altitude and azimuth position. A more in-depth exploration of tracking

as a function of altitude, azimuth, and transit is needed in order to conclude which

dominates the tracking quality. Overall, based on the tracking demonstrated here

after the repairs, the quality is consistent with expectations. The L500 mount is

mounted on the PW 12" steel pier to both extend the available viewing range and

to prevent the optical tube from slewing into the concrete pad that the equipment is

installed on.
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Figure 4.4: Log-scale, time-series-averaged images of the PSF (top) and the X and
Y-axis cross sections of the PSF for each individual image (bottom). The PSF with
no di�user (left), the0•25� di�user (center), and the1� di�user (right) are shown
here. The full-width half maxima (FWHMs) are indicated in the titles and reported
in Table 4.3. White pixels are where either hot pixels, dead pixels, or high-RMS
pixels were �agged as determined from dark images. 50 frames were used for each
of the averaged images.

Di�users

With the detector and aperture decided, my targets now dominate the remaining

design decisions. The brightest target of the SWAYS sample isn Eridani (eps

Eri) with a 60 magnitude of m60 = 4.1; this would saturate the detector in� 1ms.

Defocusing the telescope has been successfully implemented by,e.g., Southworth

et al. (2009), Mann et al., 2011, and Fukui et al. (2016), but doing this can introduce

position-dependent aberrations in the PSF (Stefansson et al., 2017) with the bene�t

of maintaining throughput by avoiding additional optical components.

Instead of defocusing, I use engineered di�users from RPC Photonics. These

particular di�users provide a top-hat PSF which will be helpful in doing aperture

photometry. Flarescope has three di�erent di�users (0•25� , 1� , and2� opening

angles), summarized in Table 4.3. The optical path has been designed such that

eps Eri only half-�lls the detector pixels during the KCT of the slowest read-out

rate (1 MHz, 0.9 fps) of the CCD when using the1� di�user; this requires that the

di�users be 3.56 cm from the detector. This is achieved using a custom adapter

machined by the company PreciseParts2 which connects the �lter wheel to the

IRF90. The PSFs of the system with no di�user, the0•25� di�user, and1� di�user

are shown in Figure 4.4.

2https://www.preciseparts.com/
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Table 4.3: Details on the expected and measured observing quality of the various
di�using modes. Here, I include the total number of pixels that light is di�used
across as well as the radius that this corresponds to in parentheses. We also include
the full-width half maximum (FWHM). The magnitude at which the detector satu-
rates for a given di�user is calculated by assuming the detector pixels are only half
�lled to ensure we stay within the linear-response regime of the detector. Here, the
limiting mag refers to the highest magnitude that has mmag sensitivity for 272, 1.1 s
co-added frames (5 min integration).

Di�user # pixels # pixels FWHM Saturating60 Limiting mag
[Expected] [Measured] 00 magnitude

No di�user 7 7 2.16 � 10 11.5
0•25� 114 114 8.28 � 7 9.5
1� 1725 2376 39.6 � 4 8.0
2� 6903 � � � 2•5 7.5

Filters and Filter Wheel

Sloan �lters have larger bandwidths than Johnson �lters; the larger number of

photons that this provides lead me to use Sloan �lters for this science. Because the

quiescent photosphere of the stars of interest are� 5000� 6000K while the �ares

themselves are generally modeled as� 10–000K, the photometric contrasts will

be enhanced when observing in blue bands. This would suggest that the primary

science band be the SloanD0. However, while theD0 �lter is expected to provide the

highest contrast, light in this wavelength range is highly absorbed by atmospheric

ozone (Huggins and Huggins, 1890) and the detector has a lower quantum e�ciency

at these wavelengths than at longer wavelengths. This leads me to favor the60band

as the primary science band, although the SloanD0, A0, and80�lters are also available

for other science cases. The �lters are the2" � 2" (50mm� 50mm) square �lters

manufactured by Baader Planetarium3. See Table 4.4 for a summary of the available

�lters, where the contrast factor for eps Eri has been calculated using the following

expression for contrast:

! �are,band

! quiet,band
=

! �are, bol

4c' 2
¢ f SB) 4

�are

¯
band� _¹_– )�areº3_

¯
band� _¹_– )quietº3_

(4.2)

3https://www.baader-planetarium.com/
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Figure 4.5: The ratio of �are luminosity to quiescent photosphere luminosity (i.e.,
the contrast) for various bandpasses as a function of di�erent bolometric �are
luminosities. This assumes that the �are is 10,000 K and that the star is eps Eri
(e�ective photospheric temperature of 5002 K and radius of 0.83 R� ). The black,
dashed line indicates where the bolometric �are luminosity would be the same
luminosity as eps Eri's quiescent photosphere. Observing in the Sloan60 band
increases the contrast of the �are by a factor of� 2 relative to no �lter; observing in
redder �lters decreases the contrast relative to no �lter.

where! �are,band is the luminosity of the �are in the band,! quiet,bandis the quiescent

photospheric luminosity of the star,! �are, bol is the bolometric luminosity of the �are,

' ¢ is the stellar radius,) �are is the temperature of the �are,) quiet is the quiescent

photospheric temperature of the star,f SB is the Stefan-Boltzmann constant, and

� _¹_– )º is the Planck function for blackbody radiation. The expected contrast for

a 10,000 K �are on eps Eri for the various �lters is shown in Figure 4.5.

Because these observations require the use of �lters and di�users simultaneously,

I am using a two-carousel �lter wheel. The wheel is the Finger Lakes Instru-

mentation (FLI) Centerline (CL) 1-10 �lter wheel which has two carousels with 5,

50 mm square slots each. Since we have three di�users and 4 �lters, there are two

con�gurations of the �lter wheel with no �lter or di�user.
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Table 4.4: Information on the various �lters available to Flarescope. The magnitudes
for eps Eri are calculated from the expressions for the Sloan �lters as a function of
the Johnson �lter magnitudes from Fukugita et al. (1996). The saturation time is
calculated assuming 1725 px di�usion size (i.e., 1� di�user) and that eps Eri is the
source being observed. The contrast factor is calculated from equation 4.2 assuming
a �are temperature of 10,000 K and bolometric luminosity equal to the quiescent
photosphere of eps Eri.

Filter Wavelength
range [nm]

Transmission Contrast
factor

eps Eri
mag

Saturation
time

None � � � 1 3.58 �
D0 320-385 ® 80% � 3•39 6.04 20.7 s
60 401-550 � 90% � 1•44 4.10 1.12 s
A0 562-695 ¦ 95% � 0•79 3.41 0.76 s
80 695-844 ¦ 95% � 0•45 3.19 0.68 s

Dome and Weather

The observatory-control computer, data storage and analysis computer, network

management, and the Flarescope optical path are all stored in a12•50-diameter

(3.8 m) AstroHaven dome. The dome is operated through the DomeProU-c con-

troller4 from Astrometrics which provides both a graphical user interface for eas-

ier manual control and introduces Astronomy Common Object Model (ASCOM)

drivers to control the dome for easier integration into an automated observing system.

During power outages, the connection to the Astrometrics controller is disrupted,

requiring a serial connection directly to the AstroHaven dome to facilitate restarts

and re-establish connection with the Astrometrics controller. The dome is belt-

driven, with magnetic limit switches for identifying the open/close status. Because

of this, mechanical obstructions that prevent limit switches from ever meeting can

lead the belts to unspool to such extremes that catastrophic failure modes can occur

(e.g., the dome shutters being capable of free falling or an �open" command in

software triggering a �close" mechanical operation). To avoid such failure modes,

we incorporate time-out commands for reaching limit switches in our automation

code, described in more detail in Appendix C.

The clamshell design of the dome allows for fast thermal equilibration between

the observatory and the surrounding environment and also removes the need for

coordinating the telescope's pointing with the dome's shutter position. This is at
4https://www.astrometric.com/products/dome_control/domeprou_c_dome_

controller/
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the expense of increased exposure to possibly harmful environmental conditions.

To identify such conditions, weather data is pulled from the Wide-�eld Infrared

Transient Explorer (WINTER) observatory's weather station on Palomar mountain,

accessible through the WINTER control server (Lourie et al., 2020). This station

provides information on relative humidity, atmospheric pressure, dew point, and

wind speed among other details. Although it does not report whether there is

precipitation, this is acceptable as we want to preemptively close the dome before

there is precipitation. Flarescope only operates when the dew-point depression is

higher than2� C, the humidity is less than85%, and the wind speed is less than

3•5m/s. Observing does not occur unless communication with the weather station

can be established.

Control Software and Automation

The SWAYS program aspires to deliver 1000s of hours on each of several G-dwarf

targets which leads to a heavy human-resource requirement in a human-in-the-loop

operation mode. To minimize this burden, all Flarescope operations for the camera,

focuser, �lter wheel, mount, and dome are being automated. This automation

system checks the weather before operations begin and then continuously every

three minutes throughout the night. If unsafe weather conditions are detected, or if

communication with the weather station is lost, the dome closes and the observatory

returns to its inactive state (mount parked, camera and its cooler o�, and EFA o�).

While the automation is being completed, I have been managing remote operations

through virtual network computing with the observatory control computer.

Softwares for observatory automation, like ACP Observatory control5, are available

for integrating other OTS equipment. However, the unique readout mode and

requirements of the camera, the way that the weather data is sourced, and the

need to communicate with the dome through both the DomeProU-c controller and

the direct serial connection necessitated a custom automation code. This code is

written in Python and takes advantage of the ASCOM drivers available for all of

the astronomical equipment (with the exception of the native dome controller). In

addition to more e�ectively meeting the observing needs, custom control code also

allows for more �exibility for observations by,e.g., allowing for power cycling

equipment and universal serial bus (USB) connections, higher customization of

Flexible Image Transport System (FITS) headers, and �ne-tuned control for startup
5http://acp.dc3.com/index2.html
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and shutdown protocol. More details on the automation schema is provided in

Appendix C.

Anticipated Noise Budget

At the operating temperature of -20� C of the detector, the noise associated with dark

current is essentially negligible. The noise sources per exposure are then the stellar

noisef ¢ (eq. 4.3), the sky noisef sky (eq. 4.4), the read noisef RN (eq. 4.5), and

the scintillation noise, already introduced in equation 4.1. In these equations,q0 is

the zero-point �ux of the band,� is the diameter of the aperture,n is the e�ective

e�ciency of the optical train for a given band,Cexp is the exposure time of a single

frame,� _ is the bandwidth of the �lter,< is the magnitude of the star,< B is the sky

magnitude,? is the plate scale of the system, and=pix is the number of pixels that

are being di�used across for a given source.

f ¢ =
p

q¢ =

 

q0c
�
�
2

� 2

n Cexp� _ 10� < •2•5

! 1•2

(4.3)

f sky =
p

qsky =

 

q0c
�
�
2

� 2

n Cexp� _ 10� < sky ?2•2•5

! 1•2

(4.4)

f RN = Read Noise
p

=pix (4.5)

The total photometric noise per frame excluding scintillation,f phot,pf, is then:

f phot,pf =
q

f 2
¢ ¸ f 2

sky ¸ f 2
RN• (4.6)

And the total noise including scintillation noise for=frames coadded together and

normalized to ppm is:

f ppm = 103

s
f 2

phot,pf

=framesq¢
¸

f 2
S

=frames
(4.7)

wheref S is the scintillation noise (expressed in equation 4.1) evaluated atCint = Cexp.

Examples of the expected noise for the various di�users with the Sloan60 band

(< sky � 22.2 mag/arcsec26), 1.1 s exposure time, airmass of 1.5, and 272 co-added
6https://sites.astro.caltech.edu/palomar/observer/200inchResources/lfc/lfcpick.html
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frames (300 s integration time) are shown in Figure 4.6. It is important to note that

although these plots show noise as a function of source magnitude, not all targets

would be observed at the minimum KCT of 1.1s; those with longer exposure times

would have have a higher photometric precision for the same total co-added time.

Due to Flarescope's limited FOV and the SWAYS program's focus on exceptionally

bright stars that require di�users, other stars in Flarescope's �eld cannot e�ectively

be used in order to do di�erential photometry in the standard operation mode; any

star with a magnitude¦ 9 will not a�ord us our target precision for detecting and

resolving �ares when using the1� di�user. Instead, the Flarescope data reduction

will primarily be direct photometry of the target star, with photometry of other

stars in the �eld being used to inform how I interpret variability, but not utilized

in deriving the target star's light curve and associated variability. I discuss the

photometry process in detail in Section 4.3.

I note here that although Flarescope was designed to search for the optical �are

counterpart to the type II and III bursts sought by the OVRO-LWA, its photometric

capabilities and access to a variety of di�user and �lter modes makes it capable

of a variety of science cases. It is also worth noting that Flarescope is a part of a

larger movement towards utilizing small, ground-based apertures for high-precision

science. The DEdicated MONitor of EXotransits and Transients (DEMONEXT)

instrument also uses a CDK20 aperture and has managed to achieve comparable

precision to what is described in this section (Villanueva Jr. et al., 2018). The

MINiature Exoplanet Radial Velocity Array (MINERVA) also utilizes PW instru-

mentation; it couples four, 0.7 m apertures which emulates an e�ective collecting

area of a 1.4 m aperture for a fraction of the cost of a single aperture of that size (Swift

et al., 2015). As hardware performances (e.g., mount tracking and detector read

noise) improve, the cost-e�ectiveness, scalability, and relatively-easy customization

that small-aperture observatories a�ord will make them an increasingly-enticing

solution, especially for science that relies on dedicated observing programs.

4.3 Data Reduction

As in Chapter 3, I evaluate the performance of the instrument based primarily on

a 1-hour observation of pi UMa that began on UTC 04:00:00 on April 10, 2024.

In this time frame, pi UMa was at an elevation between 54� �58 � from Flarescope's

location. As such, the e�ects of scintillation and atmospheric extinction should

be relatively low. pi UMa is 5.50 mag in60 band and thus required that I use the
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Figure 4.6: The estimated noise contributions to the total noise budget assuming a
1� di�user (1,725 px), 1.1 s exposure time (1 MHz read out), 5 min integration time
(272 frames), and60 band e�ciency and sky noise. We assume an airmass of 1.5
for estimating the scintillation noise.

1� di�user to avoid detector saturation, with each exposure being3•0s. Using the

equations outlined in Section 4.2 and taking the airmass to be1•2 (corresponding

to � 55� elevation), we would then expect that photometry for pi UMa would have

� 6mmag precision on the 3 s exposure timescale and� 0•6mmag when integrated

to 5 min.

pi UMa is orders of magnitude brighter than any other star in its �eld (see Figure

4.7). The three stars that were detected in addition to pi UMa�TYC 4133-1453-1,

TYC 4133-532-1, and Gaia DR3 1092545573075703680, listed in descending order

of brightness�are all 11.3 mag or dimmer in the60 band. Additionally, although

the FWHM of the PSF with the1� di�user is 39•600, the intensity of pi UMa leads

to di�user-scattered photon contributions at levels on the order of the same photon

contribution of the dimmer stars. This extends to distances up to� 20from pi UMa's

center. As such, I cannot e�ectively use other stars in the �eld to do di�erential

photometry, especially to achieve sub-mmag precision on few-minutes integration

time. Instead, the photometry I describe in this section is derived directly from

pi UMa. This is possible due to the remarkable stability of the observing conditions

for this particular observation, which I discuss in more detail in this section. I note
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Figure 4.7: A calibrated image of a single exposure for pi UMa's �eld, with pi UMa
in the center and indicated by the yellow dashed circle. White dots in the image
indicate where hot or dead pixels were masked. The other stars are TYC 4133-
1453-1 (green circle, 11.39 mag), TYC 4133-532-1 (blue circle, 12.12 mag), and
Gaia DR3 1092545573075703680 (orange circle, 12.40 mag). Light from pi UMa
scattered up to� 20 from its center; the intensity of the scattered light within this
region is on the same order of magnitude of the other stars in the �eld. It is worth
emphasizing here that 3C 204, which contaminates pi UMa's �eld in slow-visibility
data discussed in Chapter 3, is beyond Flarescope's FOV.

again here that my interpretation of any transient or variable phenomena I observe

from pi UMa and the other stars in the SWAYS sample will still be informed by the

photometry of the other stars in the �eld.

Image Reduction and Photometry

The data reduction for Flarescope can be described in four broad steps: 1.) cali-

bration, 2.) source centering/image repositioning and co-adding, 3.) background

subtraction and aperture photometry, and 4.) airmass correction. I describe each

step here before discussing the results in Section 4.4.
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Calibration Each image was calibrated using a standard method of subtracting a

master dark frame and dividing by a master sky �at frame. These master calibration

frames were produced using the same observing conditions (60 �lter, 1� di�user,

and 3 s exposure time). The master dark frame was used to identify dead pixels

(pixels with 0 counts) and hot pixels (pixels with counts¡ 10f above the median

value of the frame). The dark frames used to produce the master dark were also

used to create an RMS map of the detector; pixels in this map that were4� higher

than the mean value of the map were considered noisy or high-variance pixels. The

hot, dead, and noisy pixels were used to create a bad-pixel mask for the master dark

frame, where bad pixels were set to NaN values.

Because Flarescope's observatory does not support dome �ats, sky �ats were taken

close to dusk at an altitude� 50� . The master dark is subtracted from these frames

before they are individually normalized. Normalization on an individual-frame

basis is required before taking the median of all �ats due to the sky �ux changing

substantially over the course of collecting the frames. Because stars are visible in

these �at images, I take the median of all �at frames to be the master �at.

Image Repositioning and Co-adding Because Flarescope's tracking is not per-

fect, we cannot co-add images before ensuring all sources are in the same position in

each frame. In order to align sources in all frames, I start by identifying stars in the

�rst image. This is done usingphotutil 's DAOStarFinder class with a custom

PSF kernel that accounts for the di�user's impact on the PSF. The information on

these sources is saved for the aperture photometry described in the next step, but are

not actually used in the frame-alignment process. Instead, each subsequent image

is cross correlated with this �rst frame using thecorrelate function fromscipy 's

signal submodule (Virtanen et al., 2020a). The position of the maximum value

of the cross correlation relative to the center pixel indicates the integer number of

pixels that the sources have moved relative to the �rst frame.

Note that this method does not return phase information and thus does not indicate

how much the sky has rotated in the detector; because Flarescope is on an equatorial

mount, rotation should not be a problem except for sources close to zenith, which

does not apply for this observation. Once the shifts are determined for each image,

they are then shifted usingnumpy's roll function so that all sources are in the same

position as they are in the �rst image. These shifted frames can then be summed;

for this observation, I co-added 5, 20, and 100 frames for 15 s, 60 s, and 300 s �nal
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time resolutions, respectively.

Background subtraction and photometry After the images are repositioned and

co-added, I use theSigmaClip class fromastropy 's stats package to remove

sources from the co-added image so thatphotutil 's Background2Dclass can be

used to identify the background of the co-added image. This background is then

subtracted from the image. Once the background is subtracted, I usephotutil 's

aperture_photometry function to extract �uxes from each frame using the aper-

ture positions identi�ed in the previous step. For this observation, an aperture radius

of 40 pixels was used; this is the equivalent of the PSF half-width at about 5% of

the maximum �ux. Using an aperture larger than the half-width at half max more

completely integrates the light from the star.

Airmass Correction Once we have the light curves from the photometry per-

formed in the previous step, the �nal reduction step is to account for airmass

extinction which causes the source to have a lower �ux at lower elevation. For

this correction, I take the true �ux� t to be related to the measured �ux� m like

� t = � m exp¹2 � j º where2 is a unitless, constant value. For this observation, I

take2 = � 0•12. It is worth noting that pi UMa's �ux due to rotational modulation

changes by� 0•5% (a few mmag) inTESS's band and this one-hour observation

covers� 0•5% of pi UMa's rotational period. Because of this, Flarescope is sensi-

tive to pi UMa's rotational modulation, but the sampling of the rotation phase makes

it di�cult to di�erentiate between �ux variance due to poor airmass correction as

opposed to star-spot e�ects. Because of this, I apply a median �lter to the time-series

data using themedfilt function fromscipy 's signal submodule. This ensures

that slow (relative to a possible �are's duration) �ux variance not intrinsic to the

optical path or observing conditions is not included in the photometric precision

analysis discussed in the next section.

4.4 Photometric Performance Results

The light curves produced following the method outlined in the previous section

are shown in the bottom panel of Figure 4.8. The precision at the3s exposure

time is 2•65mmag�more than a factor of two better than was expected for the

assumed observing conditions. By 60 s of integration time, the precision is sub-

mmag (� 0•7mmag) and the precision is� 0•4mmag by 5 min of integration;

the precision scales roughly/
p

Cint as should be expected. To better evaluate the
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precision of Flarescope, we also consider the full, 6-hour observation that this one-

hour dataset is a part of in order to calculate the Allan deviation (Allan, 1966). This

is helpful for identifying regimes of integration time where noise does not scale like

white noise and is used to evaluate system stability. This deviation is de�ned as

f � ¹gº =
p

0•5h¹�H8̧ 1 � �H8º2i – (4.8)

where �H8 is the �ux averaged over a timeg (which we use to distinguish fromCint

that describes the co-addition or integration time) at the8th index.

The Allan deviation for the 6-hour observation forg ranging from 3 s to 1,500 s

is shown in Figure 4.9 along with indications of white noise and random-walk

frequency-modulation (RWFM) noise. This shows that the noise begins to deviate

from white-noise expectations forg ¦ 60 s and that noise no longer decreases with

increasingg for g ¦ 400s as the noise becomes dominated by contribution from

RWFM. This implies a noise �oor of� 0•4mmag for pi UMa. Considering that we

would not want to integrate much longer than 5 minutes so that we can identify the

temporal structure of �ares, the timescale of the photometric stability of Flarescope

is conducive for the SWAYS science. It is also worth noting that the RMS of the

light curves from the co-added data is slightly lower than the Allan deviation of

the averaged light curve. It may be that the observing conditions were particularly

good for the data collection during the one-hour subset of data evaluated throughout

the rest of this section. This is supported by the apparent convergence of the noise

calculation to the larger Allan-deviation trend for longer co-adding times. For a star

as bright as pi UMa, scintillation is by far the dominant contributor to white noise. As

such, the higher-than-expected precision achieved by Flarescope in the white-noise

regime may be explained by anomalously-good environmental conditions.

Using pi UMa's temperature (5711 K) and radius (0•98 R� ) and assuming a �are

temperature of 10,000 K, a5f detection of a �are at the 300 s integration time

would have a corresponding bolometric luminosity of5•93 � 1030 erg/s (energy of

1•78� 1033 erg for a single 300 s integration) in Flarescope's60band. The bolometric

luminosity and energy may be a factor of a few times this depending on the �are's

temperature. This minimum energy detection threshold is promising considering

pi UMa is expected to produce several �ares per day in excess of1032 erg (Leitzinger

et al., 2020). I show an example of what a 5f detection of a �are's peak and its

corresponding pro�le would look like in pi UMa's light curve in Figure 4.10.
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Figure 4.8: pi UMa's position on the detector relative to the start of the observation
(top) and pi UMa's normalized �ux for various integration times (bottom).

Figure 4.9: The Allan deviation,f � ¹gº (de�ned in equation 4.8), derived from the
airmass-corrected, normalized, 3 s-cadence light curve for the full, 6-hour obser-
vation of pi UMa. Noise expectations for white noise and random-walk frequency
modulation (RWFM) are indicated as dashed lines. Here,g is the time that the
original, 3 s-cadence light curve is averaged over. The noises derived from the light
curves produced from co-added images (shown in Figure 4.8) are plotted as open
circles here. The noise from the 1-hour time frame that I consider in the rest of
Section 4.4 is lower than the Allan variance from the full observation. This suggests
that Flarescope (or at least its observing conditions) was particularly well behaved
during the hour I evaluate in this section.
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Figure 4.10: The entire, 6-hour pi UMa light curve (starting at UTC 03:00:00 on
April 10, 2024) at 5 min integration time with 1f � 0•4mmag error bars. The 3f
threshold is indicated by the dashed red line. A �are�modeled simply as a steep,
linear rise and exponential decay with an e-folding time of 15 minutes�with a peak
of 5f was injected and is indicated by the solid line. The integration corresponding
to the peak of this ��are" would correspond to an energy of� 1033 erg, although
the entire integrated pro�le (conservatively assuming a persistent �are temperature
of 10,000 K) would correspond to an energy of7•6 � 1033 erg.

4.5 Summary and Future

Flarescope was designed to detect the optical-�are counterpart to the radio emission

I hope to observe with the OVRO-LWA. The stars I am focused on are nearby

to accommodate the sensitivity of the OVRO-LWA; that said, the radio emission

detectable by the OVRO-LWA would still correspond to bursts orders of magnitude

more intense than the bursts we observe from the Sun. This would then suggest that

Flarescope would need to be able to, at a minimum, detect �ares a similar factor

more energetic than the typical �ares we observe from the Sun. Although many

instruments can achieve the few-hundred ppm precision necessary to resolve �ares

of such an energy on solar-type stars, there is di�culty in achieving this for the

nearby stars of the SWAYS sample that risk saturating detectors on short (ŸŸ 1s)

timescales. Flarescope manages to achieve this precision for bright targets by taking

advantage of engineered di�users.

I have demonstrated in this chapter that for good observing conditions, Flarescope

can indeed reach the sub-mmag precision I designed it to achieve. This is made

possible both by the native sensitivity for each exposure a�orded by the high-

e�ciency optical train as well as the stability of the system that allow for meaningful

integration up to� 6min. At the0•4mmag precision that Flarescope achieves at
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5 min integration times, a5f detection of a �are peak from pi UMa would be

� 1033 erg, or about10� the energy of the most energetic solar �ares. As one of

the furthest and hottest stars of the SWAYS sample, pi UMa represents one of the

most di�cult cases for the SWAYS science. The fact that Flarescope should be able

to detect �ares from pi UMa that have reasonable energies by stellar standards is

encouraging for its capacity to do high quality science for the sample as a whole.

It is worth noting that Flarescope is sensitive to �ares energies within a factor of a

few of the energies thatTESSis able to detect; this is a great demonstration of both

the precision of OTS instrumentation as well as the opportunity for Flarescope to

do coordinated observations withTESSto better characterize �ares.

It is worth re-emphasizing that Flarescope's performance was characterized based

on its observations using the1� di�user as it will be the standard di�user for most

of the SWAYS sample. Without the use of di�users, Flarescope is capable of10f

detections for 16.5 mag stars on the6min integration timescales that it is stable

over. This makes it an exceptional tool for doing M-dwarf science during downtime

in the sparse SWAYS sample, especially given the signi�cance of M-dwarf �are

signatures in Flarescope's primary science band (shown in Figure 4.1). Flarescope's

stability�and by extension its limiting magnitude�may be improved upon in the

future through the introduction of closed-loop guiding through real-time image

reduction and analysis to provide feedback to the mount on a target star's position.

As Flarescope enters the �nal stages of automation for its continued coordination

with the OVRO-LWA, the inclusion of such a guiding system is of great interest to

expand the scienti�c capacity of Flarescope.
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C h a p t e r 5

THE FIRST YEAR OF SWAYS OBSERVATIONS: CME AND SEP
CONSTRAINTS FOLLOWING A SUPERFLARE

The SWAYS program, currently consisting of the OVRO-LWA and Flarescope

discussed in Chapters 3 and 4, respectively, began regular operations in November

of 2023 and continued until July 2024. In that time, Flarescope completed 500 hours

of observing across six young, solar-type stars with 388 hours of complementary

beamformed data (see Figure 5.1 and Table 5.1). This constitutes the longest

monitoring program for such starsŸ 100MHz and the longest radio monitoring

program with complementary optical data. The goal of these observations was to

use signatures of �ares from Flarescope's optical photometry (a relatively small

computational expense) to inform which radio datasets to search for associated

signals�a much more computationally-expensive task. In this chapter, I review

the properties of the stars I collected nearly 900 hr of data for and the results of

those observations. These results include a super�are from EK Draconis with an

energy that has been associated with eruptive prominences based on chromospheric

signals; I �nd no escape signatures for distances beyond the corona. Data below

100 MHz are rarely, if ever, collected contemporaneously with detections of �ares

at other parts of the EM spectrum; the novelty of this observation allows me the

unique opportunity to conjecture as to possible limitations of the plasma emission

process for young, solar-type stars.

5.1 Targets

As motivated throughout this thesis, the targets of the SWAYS program are young,

solar-type stars; these are stars between 5000�6000 K between 50�800 Myr. The

stars I have selected are additionally unlikely, or at least not known, to have a nearby

stellar companion. This is to avoid stars whose rotation and activity would have been

signi�cantly impacted by tidal and magnetic interactions with a stellar companion

and thus would not be representative of the Sun's history. Most of the stars in this

particular collection are a re-occurring sample in the literature, driven in part by

the intent of constructing a timeline for the Sun's activity evolution, with each star

representing a possible snapshot of the Sun at that age (Dorren and Guinan, 1994;

Ribas et al., 2005; Fichtinger et al., 2017). With the exception of EK Draconis
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(EK Dra) and V889 Herculis (V889 Her), all of these stars are within 15 pc to

accommodate the sensitivity of the OVRO-LWA. I make an exception for EK Dra

and V889 Her due to their exceptionally high levels of activity and recent reports

of a CME candidate from EK Dra (Namekata et al., 2021; Namekata et al., 2024a).

The stars that were observed on a given night were determined primarily by their

elevation at Palomar; I required that a star be¡ 20� elevation for at least an hour.

Because my sample is sparse and distributed substantially in right ascension (RA,

see Table 5.1), there was little scheduling con�ict. In the case that two stars meet the

observing criteria, stars were prioritized based on whether they are (in descending

level of importance) 1.) near the end of their observing season, 2.) at an elevation

¡ 20� for the longest duration, and/or 3.) were the most nearby system. Each of the

six stars are described below and their properties are summarized in Table 5.1.

n Eridani (eps Eri) eps Eri is the main target of interest for the SWAYS program.

It is a K2 dwarf at 3.2 pc, making it the nearest and coolest star of this sample,

as well as the nearest solar-type star with an exoplanet (Mawet et al., 2019). Its

magnetic �eld supports both a 13 yr and 3 yr chromospheric cycle (Metcalfe et al.,

2013; Co�aro et al., 2020), and it should have been near the maximum of its 3 yr

cycle during the observations I conducted for it between November 2023�January

2024. Compared to the other stars in the sample, eps Eri is relatively inactive in

terms of �are rate; this is perhaps because it is also the oldest star in the sample.

However, it has exhibited �ares with evidence of CME production in the far UV

(Loyd et al., 2022) and was the �rst solar-type star found with transient sub-mm

emission (Burton et al., 2022). Both quiescent (Suresh et al., 2020) and transient

(Bastian et al., 2018) radio emission has been detected in the 2�4 GHz range and

Fionnagáin et al. (2022) predicts that eps Eri would produce type II bursts that are

detectable at lower frequencies, making it a promising optical-radio target.

j 1 Orionis (chi Ori) chi Ori does actually have a stellar companion determined

from spectroscopic observations (Pourbaix et al., 2004). However, its orbital period

is ¡ 5000days, corresponding to a separation of� 7AU. At this separation, tidal and

magnetic interactions between the components of the binary are likely negligible in

the scheme of stellar evolution (Fleming et al., 2019). chi Ori itself has not been

detected at GHz frequencies, but its companion�a late M-dwarf�has (Fichtinger

et al., 2017). Neither Flarecope nor the OVRO-LWA will be able to resolve the

two stars in chi Ori's system. However, in the case that a �are is detected, we
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can make reasonable energetic arguments to associate the emission with chi Ori

rather than its companion. More speci�cally, chi Ori's quiescent, photospheric

�ux is expected to be� 6000� greater than its M-dwarf companion in Flarescope's

primary science band (401-550 nm); for the M-dwarf to produce a detectable (� 5f )

�are in a Flarescope light curve, the �are would need a bolometric luminosity that

exceeds the M-dwarf's entire photospheric luminosity. Although this is not unheard

of (Chang et al., 2018), it is rather uncommon. I will make any future analysis of

transient emission from chi Ori with this caveat in mind.

^1 Ceti (kappa Cet) kappa Cet is one of the least active stars in the sample.

Despite this, stellar wind simulations informed by broad-spectrum analysis of the

star suggest a mass loss rate¦ 50� the solar mass-loss rate (do Nascimento Jr. et al.,

2016). Along with this wind, it has a� 400G �eld with a 10 yr cycle (Kochukhov

et al., 2020) as well as 3 yr and 6 yr chromospheric cycles (Saikia et al., 2022). A

super-�are from kappa Cet was observed by Robinson and Bopp (1987) with an

estimated energy of1034 erg (Schaefer et al., 2000). Such an event was possibly

comparable in scale to the Carrington event (Cliver and Dietrich, 2013) and likely

capable of releasing a CME (Lynch et al., 2019).

c1 UMa (pi UMa) pi UMa is a peculiar 200-600 Myr G-dwarf (King et al., 2003;

Mamajek and Hillenbrand, 2008) in that measurements of its astrosphere suggest

a mass loss rate less than the Sun's (Wood et al., 2014). Despite this peculiarity,

pi UMa has an active chromosphere (Gaidos, 1998) and is expected to experience

on the order of 10 EUV �ares per day (Leitzinger et al., 2020). It was �rst observed

to �are in 1986, when it released a1033 erg �are in the 0.1-10keV band of EXOSAT

(Landini et al., 1986). X-ray �ares detected by XMM-Newton in 2015 had similar

energies (Pandey, 2015). This bodes well for detectability in the optical, and a

weak wind may better facilitate the shock development required for type II burst

production at low frequencies.

EK Draconis (EK Dra) EK Dra is the second youngest and most active main-

sequence star of the sample. It has an anticipated �are rate of more than 50 �ares

per day exceeding1032 erg (Leitzinger et al., 2020), and one �are every ten days

that exceeds1034 erg (Namekata et al., 2022a). EK Dra has been consistently

detected at GHz frequencies (Guedel et al., 1995; Fichtinger et al., 2017), and other

coronal measurements suggest an extreme environment. Even so, there only exists
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extreme upper limits to its mass-loss rate�on the order of10� 10" � yr� 1, or about

4 orders of magnitude higher than the current solar mass loss rate (Fichtinger et

al., 2017). Although I prioritized stars within 15 pc for the rest of our sample, I

made an exception for EK Dra due to its higher activity in addition to its candidate

prominence eruptions that may have evolved into a CME (Namekata et al., 2021;

Namekata et al., 2024a).

V889 Herculis (V889 Her) V889 Her is the youngest star of the sample; if EK Dra

represents the Sun just after it has turned onto the main sequence, then V889 Her

would represent it rightbeforethe main sequence. It is an exceptionally active star,

with its TESSlight curves suggesting it has a higher �are rate and �are energies than

EK Dra1, although there are no studies evaluating its �ares in detail like there are for

the other stars of the SWAYS sample. V889 Her's magnetic �eld has been a topic

of major interest since its exceptionally short rotation period (® 1•4days) allows

for robust phase coverage of its star spots and �eld geometry. Doppler imaging

and spectropolarimetry have revealed a large spot/spot group at V889 Her's pole

that seems to persist for many years (Strassmeier et al., 2003), accompanied by a

concentration of azimuthal �eld strength at high latitudes (Marsden et al., 2006).

While there has not been substantial discussion of V889 Her in the context of

space weather, it represents the earliest form of the Sun in this sample and any

space weather signatures found through the SWAYS program will bene�t from the

pre-established framework for evaluating this star's magnetic environment.

5.2 Flare Search

To look for �ares, I follow the data-reduction process outlined in Chapter 4 to

produce light curves. All observations were conducted in the Sloan60 band with

either the1� or 0•25� di�user. Although exposure time varied with the particular

source (maximum of5s for V889 Her and minimum time of 1.1 s for eps Eri), I

co-add all data to 90 s integration times for the �are search. Such an integration

time produced sub-mmag precision for pi UMa and, because of the dominance of

scintillation in the noise budget for stars dimmer than� 9mag, we should expect

similar precision even for stars like EK Dra and V889 Her that are� 2mag dimmer

than pi UMa.
1I use the same �are identi�cation and characterization code that I used in Chapter 2 to estimate

a �are rate of 100 �ares/yr for EK Dra and 145 �ares/yr for V889 Her. The highest �are energy was
1•4 � 1035 for EK Dra and was6•0 � 1035 for V889 Her.
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Figure 5.1: The airmass-corrected, normalized Flarescope light curves for the six
stars apart of the SWAYS program.

I demonstrated in Chapter 4 that Flarescope's precision can reach a factor of a few

better than anticipated, and I attributed this precision excess to the quality of the

observing conditions that the performance was based on. Looking at the other

� 500hr of data, this conclusion seems apt. Many of the observations show extreme

variability in the light curves that could not be attributed meaningfully to intrinsic

stellar variability. Although I do not show every individual light curve in detail,

the e�ects of poor observing conditions are obvious in the composite light curves

shown in Figure 5.1; scatter on the order of 10% of the stellar �ux are apparent

for many observations, especially for those taking place during the winter season

(modi�ed Julian date (mjd)� 60280-60390), which is notoriously a time of high

precipitation at Palomar2.
2Con�rmed by data archived by the Western Regional Climate Center.
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Figure 5.2: The FOV for EK Dra (left) and the 90 s-integrated light curves for EK
Dra and the four other brightest stars in the FOV (right panels); the light curves'
colors correspond to the color of the dashed-line aperture in the �eld. The distinctive
steep rise and exponential decay of a �are is apparent in EK Dra's light curve (top
most panel) and is absent from the light curves of the other stars, suggesting this �are
is unique to EK Dra and is not the result of,e.g., weather contamination. Note that
the data here are not airmass corrected�the subtle trend for the all objects' �uxes
to increase may be attributed to the airmass increasing throughout the observation.

Although I look through all of the data for �ares, the April�June is the window of

time with the most consistently-reliable weather and data quality. The three stars

targeted during this window of good weather were pi UMa, EK Dra, and V889 Her�

notably, and unfortunately, the furthest stars of the SWAYS sample and thus likely

the most di�cult to detect in the radio. From this search, there were a few marginal

( Ÿ 4f ) �are candidates and one very-likely �are (� 26f detection at �are peak).

This �are occurred on EK Dra and is the focus for the rest of this chapter.

Flare Validation

The candidate �are on EK Dra occurred on May 24, 2024, peaking around UTC

06:34:00. The light curve for EK Dra (top panel of Figure 5.2) around the time

of the �are (� 60min into the start of the observation) follows the typical steep

rise and exponential decay over� 20min. However, the observation stopped soon

after the decay of the �are due to dangerous observing conditions�in this case,

high humidity that suggested imminent rain. The �rst question then is whether

the �are pro�le is a weather-based e�ect due to,e.g., clouds. Looking directly at
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the integrated images themselves, there is no apparent cloud coverage or change

thereof. I should also note that EK Dra is the brightest star in its �eld by at least

an order of magnitude in total �ux�for an environmental factor to increase its �ux

so substantially, the corresponding signal in the light curves of the other stars in the

�eld would be, at minimum, an order-of-magnitude increase in their total aperture

�uxes. Such a signal is not observed at any point in any of the light curves of the

other stars in the �eld (see the bottom four light curves of Figure 5.2) and so the

signal is likely unrelated to weather conditions.

Alternatively, a satellite or plane could in principle a�ect only EK Dra's derived

�ux. However, the duration of the e�ect cannot be explained by these as they pass

through Flarescope's FOV over the course of a few seconds, not minutes. To be

certain that the �are pro�le is not the e�ect of a satellite, I checked single-integration

images (5 s exposures) as the shorter integration time would be more sensitive to the

signal at a given position. I indeed �nd no streaks indicative of a satellite passing

through the �eld at the time of the apparent �are. The distinctive shape and duration

of the �are candidate in addition to the lack of an analogous signal on the other stars

make me reasonably con�dent this is a genuine �are from EK Dra.

Checking the single-integration images prompted me to produce a light curve at the

cadence of the native 5 s exposure time, shown in Figure 5.3. Doing this revealed

two phenomenal features: the �rst is that some subtle, complex structure in the

decay phase of the �are is con�rmed to be the result of a secondary peak and,

by extension, a secondary reconnection event perhaps triggered by the �rst event.

The second extraordinary feature is a3•8f detection of the peak of another �are

candidate that precedes the original by about 30 min. The pro�le for this second

candidate is not nearly as distinct as the larger �are and so it is more di�cult to

de�nitively say it is a �are. That said, as with the original �are, this pro�le does

not have an equivalent signal in the light curves of the other stars, which may

suggest this is indeed a second �are that precedes the originally-identi�ed �are.

The strength of this signal in the high-noise but high time-resolution data compared

to the lack of a detection (® 1f ) in the lower-noise, lower time-resolution data

is incredibly informative for both Flarescope searches and similar searches with

other instruments. It is worth revisiting these datasets at a higher time resolution to

identify lower-energy �are candidates and will be the focus of later work. For now,

I focus on the qualities of this large �are and what that could mean for an associated

CME or SEP.
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Figure 5.3: The EK Dra light curve at the native 5 s integration time (dark blue)
and the light curve at 90 s integration time (teal). The3f limits for these two light
curves are based on the �rst 30 minutes of data when there are no �are candidates
and are indicated by the dashed lines for the datasets of the respective colors.

Flare Characterization and Particle Acceleration Estimates

Although the large �are has some complex structure, its overall pro�le is dominated

by the primary �are, as indicated by the exponential decay �t shown in red in

Figure 5.3. This best �t for this pro�le, estimated usingcurve_fit from scipy 's

optimize module, has an amplitude of 0.0311 relative to the median �ux and an

e-folding timegdecay of 8.59 min. I use this pro�le and assume a constant �are

temperature of 10,000 K in order to estimate the bolometric energy of the �are.

Using equation A.5, a �are with this pro�le in Flarescope's band would have a

bolometric energy� �are = 4� 1034 erg; this may vary by a factor of a few depending

on the temperature used. This energy is consistent with super�ares observed from

EK Dra, including those associated with massive prominence eruptions (Namekata

et al., 2021; Namekata et al., 2022a; Namekata et al., 2024a). It is also worth noting

from these works that a �are¡ 1034 erg is expected to occur on EK Dra about once

every seven days, or once every 168 hours�this is consistent with Flarescope only

detecting one �are of this scale in the 189 hours it spent on EK Dra. The major

question is then: what can this �are tell us about possibly-accompanying particle

�ux and its detectability in the radio?

Namekata et al. (2024a) �nd that the kinetic energy of eruptive prominences,� kin,
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from EK Dra can be0•02� 3 � �are , with masses ranging from3 � 1017� 1019 g. The

caveat here is that Namekata et al. (2024a) derived the kinetic energy based on the

line-of-sight projected velocity of the prominence�their velocities and energies

are likely underestimates. More energetic prominences were associated with both

higher speeds and larger masses; this is also generally true for solar CMEs (Moschou

et al., 2019). Given this, we might expect an associated prominence to have an

energy between8� 1032� 1•2� 1035 erg and velocities between 515�1,092 km/s. For

estimates in the rest of this section, I will takeECME = 1000km/s for ease.

For a prominence or CME to produce a type II burst, it will need to produce a super-

Alfvénic shock,i.e., we need the di�erence between the CME velocity and ambient

wind velocity to beECME � ESW ¡ E A, whereEA = � •
p

4cd, � is the magnetic �eld

strength, andd is the ambient mass density at the location of mass propagation. If we

assume that the corona is entirely ionized Hydrogen, thenEA = � •
p

4c =e� < p where

< p is the proton mass and=e� is the electron number density. We can now re-frame

the problem in terms of instrumentation restrictions, namely that the plasma density

is low enough that the plasma frequencyap = 9•8kHz
p

=e� is in the OVRO-LWA's

band (Ÿ 87MHz). This then requires that=e� � 7•9 � 107 cm� 3. Plugging this

value into the expression forEA, we then get that the ambient magnetic �eld must be

® 2•5G for a shock to form if the stellar wind velocity is the solar value of400km/s

(as is often assumed for mass-loss estimates, Wood et al., 2005; Fichtinger et al.,

2017).

To determine whether such a �eld strength is reasonable to expect, let us consider

the coronal density limits estimated by Guedel et al. (1995) who found that EK Dra's

corona should be¦ 4 � 1010 cm� 3. I will take this value to be the base coronal

density. Assuming then that the density pro�le is/ ' � 2 where' is the distance from

the stellar surface, then we get that the plasma density requirement is met at 22.5' ¢ .

Assuming, generously, that the magnetic �eld is still closed at this distance, then the

dipolar component of the magnetic �eld should be dominant and scales/ ' � 3. For

the �eld to be 2.5 G at 22.5' ¢ , it would require a 28.5 kGglobal �eld at the surface

of EK Dra. Such a �eld strength is unheard of for main-sequence stars and is indeed

inconsistent with �eld estimates for EK Dra from Zeeman-Doppler imaging which

�nd average �eld strengths on the order of 100 G (Waite et al., 2017; Namekata

et al., 2024b) or at most 1.4 kG (Kochukhov et al., 2020).Thus, it is reasonable

to expect that the ambient conditions needed for detecting plasma emission in the

OVRO-LWA's band is also conducive to the shock formation required to produce a
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type II burst.

A scaling relation between CME properties and type II properties have been identi-

�ed for the �rst time by Mohan et al. (2024a). More speci�cally, they �nd that the

power of the CME can be associated with the radio luminosity of the accompanying

type II burst. They relate the type II luminosity! R and CME velocity to the SXR

luminosity of the �are! x like:

log¹! Xº � 1•12 log10¹
q

! R E2
CMEº ¸ 9•5 (5.1)

where all values are in centimeter-gram-second units. As in Chapter 2, I will take

the X-ray luminosity to be10% of the bolometric luminosity estimated from the

white-light light curve; the peak X-ray luminosity would then be7•9 � 1030 erg/s.

Using equation 5.1, the peak radio luminosity would then be1•6� 1022 erg s� 1 Hz� 1,

or the equivalent of a signal more than 11 kJy. It is worth noting that Mohan et al.

(2024a)'s expression comes from a �t of radio data at 3-7 MHz; it is entirely plausible

that type II bursts are less luminous in the OVRO-LWA band, although probably

not by much more than an order of magnitude. All of this leads to the expectation

that a type II burst should be detectable should it arrive to the OVRO-LWA's band

within the timeframe that I have data for. The �are properties and associated CME

estimates are summarized in Table 5.2

We are less constrained by arrival time to the OVRO-LWA band when it comes to

detecting type III bursts since the relevant particles move more than an order of

magnitude faster than CMEs. The question then is whether a type III burst will be

bright enough to detect. Vedantham (2020) uses a simple linear scaling between

�are energy and type III �ux density that is normalized by the most energetic solar

�ares (1032 erg) and brightest type III bursts (1011 Jy). Their equation 4 suggests

that the4 � 1034 erg �are from EK Dra would produce a 0.85 Jy signal. However,

this signal is for 150 MHz�type III bursts should be brighter by about a factor

of 5 in the OVRO-LWA band, suggesting a4•2Jy signal. This would be a¦ 5f

detection at the sensitivity of the OVRO-LWA when integrated41 � 87MHz; the

prospects of detecting a type III burst are promising in this simple estimation.

It is worth noting that this estimate may be a factor of a few larger than what

is physically possible based on brightness temperature limitations for the plasma

emission process. That said, the complex structure of EK Dra's �are, which is

indicative of multiple reconnection events, may negate this saturation limit as there

could be multiple contributing plasma beams. This is discussed in more detail in

Section 5.5; the search for radio signatures is the focus of the following sections.



114

Table 5.2: The �are properties assuming a �are temperature of 10,000 K and the
estimates for the associated CME depending on whether very little (second from
left column) or very much (left-most column) of the magnetic energy is partitioned
to the CME. Notably, if the CME is low energy and slow, it will not arrive to the
OVRO-LWA band within the timeframe we have data for (UTC hours 05-12).

Flare
properties

CME
Estimates

Minimum
Energy

Maximum
Energy

Start time
(UTC)

2024-05-24
06:32:38

� Kin [erg] 8 � 1032 1 � 1035

gdecay[min] 8.59 ECME [km/s] 515 1,093
Peak
Amplitude

0.0311 Arrival time to
band (UTC)

� 2024-05-24
13:40:00

� 2024-05-24
09:56:00

Peak! bol
[erg/s]

7•87� 1031 ! R
[erg s� 1 Hz� 1]

6•1 � 1022 1•35� 1022

Total Energy
[erg]

3•98� 1034 Peak �ux
density [Jy]

42,900 9,540

5.3 OVRO-LWA Data Reduction

I established in Chapter 3 that the search for type III bursts is best suited by slow-vis

(cross-correlated) data as opposed to beamformed data. This is true even more

so for type II bursts, which should persist in the OVRO-LWA band for many time

integrations. As such, I only focus on the slow-vis data here. The ultimate goal is

to derive a coarse dynamic spectrum for EK Dra from the images produced from

slow-vis data. Type III bursts can happen essentially any time relative to the �are

event while type II bursts should occur some time after the �are. More speci�cally,

if we assume that a CME launched during the reconnection process of the �are in

fact travels at1000km/s, then it would take about 4 hr for the CME to reach 22.5' ¢

where the density should be low enough for us to observe it in the OVRO-LWA's band

(see Figure 5.4); the signi�cance of the di�erence between such an environment and

the Sun's for observing frequency is demonstrated in Figure 5.5. As such, I evaluate

data ranging from UTC hours 05�12 (hours 21�05 local time,� � 1•5�5.5 hours

relative to the �are peak) across 10 subbands ranging from 41�87 MHz (4.6 MHz

bandwidth per subband).

The observing environment for this observation was incredibly di�erent from the

pi UMa observation that the original data reduction and analysis were based on.

More speci�cally, the ionosphere was much better behaved in the EK Dra observa-

tion, and the nearest bright source that could be used to estimate the ionosphere-

shifted position of EK Dra is¦ 1� away from EK Dra; this is in stark contrast to
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